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Sommaire
Cette thèse a pour but de déterminer le taux de rotation des étoiles Wolf-Rayet (WR).
Comme ces étoiles ont un vent stellaire très dense, il est impossible de voir leur photosphère.
Par conséquent, il est aussi impossible de mesurer directement la vitesse de rotation des étoiles
WR de façon classique, i.e. à partir de l’élargissement de raies photosphériques en absorption
causé par la rotation. C’est pourquoi nous proposons plutôt de déterminer la période de
rotation des étoiles WR à partir de la variabilité périodique à grande échelle des vents. La
vitesse de rotation peut ainsi être calculée en adoptant les rayons stellaires publiés dans la
littérature.
La variabilité à grande échelle qui est reliée à la période de rotation des étoiles WR
est causée par la présence dans les vents de certaines étoiles WR d’une région d’interaction
entre deux composantes de vent qui ont différentes vitesses radiales et qui est en co-rotation
avec l’étoile. Cette région, appelée région d’interaction en co-rotation (l’abréviation est CIR
pour Corotating Interaction Region) a pour origine une perturbation à la surface de l’étoile
qui pourrait être causée par des variations dans le champ magnétique stellaire ou par des
pulsations. Cette perturbation crée une hausse locale de densité qui se propage avec l’expansion
du vent et qui s’enroule avec la rotation de l’étoile, prenant ainsi une forme de spirale. La
structure en densité dans le vent qui en résulte est plus lente que le vent ambiant qui, lui,
entre en collision avec la partie intérieure de la spirale. Comme le vent plus rapide s’accumule
à l’intérieur de la structure spirale, il se rarifie au devant. Les CIRs changent ainsi de façon
importante la distribution de densité dans le vent des étoiles WR, ce qui déforme grandement
le profil des raies spctrales qui y sont formées. Comme cette distribution change de façon
périodique en fonction de la rotation de l’étoile, la période de la variabilité à grande échelle
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spectrale qui en résulte correspond directement à la période de rotation. Un vent WR peut
aussi, selon les conditions, contenir plus d’un CIR.
Il semble que ce ne soit pas le spectre de toutes les étoiles WR qui manifeste la présence
de CIRs. C’est pourquoi il nous a fallu d’abord établir une liste d’étoiles WR dont les raies
spectrales sont variables à grande échelle spectrale. Au total, 10 étoiles WR parmi les 25 étoiles
observées depuis l’hémisphère nord et les 43 étoiles observées depuis l’hémisphère sud montrent
une telle variabilité. Afin de savoir si toutes ces 10 étoiles varient véritablement à cause de la
présence de CIRs, il nous faut encore les suivre sur une période de temps suffisamment longue
et avec une résolution temporelle adéquate pour vérifier si les variabilités spectrales sont bien
périodiques sur des échelles de temps plus ou moins grandes, et si elles se comportent tel
qu’attendu par les modèles. Dans la littérature, il existe déjà deux cas bien établis d’étoiles
qui présentent une variabilité spectrale propre aux CIRs, soit WR 6 (P=3,7Z jours) et WR 134
(P=2,25 jours). Dans cette thèse, nous avons pu établir un troisième cas, soit WR 1, dont la
période est P=16,89 jours.
Nous avons aussi suivi une autre étoile qui montre des variabilités spectrales à grande
échelle, soit WR 123, avec l’espoir, entre autre, de pouvoir y confirmer la présence de CIRs.
Toutefois, les variabilités semblent plutôt être causées par des pulsations non-radiales qui
perturbent directement le vent. La seule période trouvée est d’environ une dizaine d’heures.
Dans cette étoile, une autre variabilité plus longue et avec une amplitude plus grande a aussi
été observée.
En fonction des résultats obtenus jusqu’à maintenant, nous constatons que les vitesses
de rotation des trois étoiles WR 1, WR 6 et WR 134 sont comprises entre 10 et 60 km/s,
confirmant les prédictions des plus récents modèles d’évolution stellaire qui tiennent compte
des effets de la rotation.
Abstract
The aim of this thesis is to determine the rotation rates of Wolf-Rayet (WR) stars. Since
these stars have a very dense stellar winds, it is impossible to directly observe their photo
sphere. Consequently, it is also impossible to measure their rotation velocity directly from the
widning of absorption photospheric une profiles. Therefore, we propose instead to determine
the rotation period of WR stars from large-scale periodic wind variations an adopted stellar
radius from the literature.
The type of large-scale variability that is related to stellar rotation is due to the presence
in some WR winds of density structures called Corotating Interaction Regions (CIR). CIRs
are caused by perturbations at the base of the wind, which in turn could be caused e.g. by a
magnetic field or by pulsations. These perturbations propagate through the wind while being
carried around by rotation. This generates spiral-bke structures in the density distribution
that can lead to a characteristic, large-scale variability pattern in WR-wind emission unes.
Since the density distribution changes periodically according to the stellar rotation, the period
of the resulting large-scale spectral variability correponds directly to the period of rotation.
In this thesis, I present the resuits of a systematic search for large-scale spectroscopic
variability in the brigthest, apparently single WR stars. Such a variability was found in 10
WR stars among the 25 northern and 43 southern stars ofour sample. In order to determine if
ail of these 10 stars are variable due to the presence of CIRs, one needs to carry out intensive
monitoring and verify if the spectral variabilities is periodic. In the literature, two cases ofWR
stars presenting CIR-type variability have been established; WR 6 (P=3.7Z days) and WR 134
(P=2.25 days). In this thesis, another case is found, WR 1, with a period of 16.89 days.
Also in this thesis, another star showing large-scale spectroscopic variability lias been
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monitored intensively. However, this variability seems to corne from non-radial pulsations
perturbing directly the base of the wind rather than from CIRs. The only periodicity found
occurs at 10 hours. However, variations are also seen on a timescale of several days.
According to our current resuits, we deduce that the rotation speed of the three stars
WR 1, WR 6 and WR 134 ranges between 10 and 60 km s1. This confirms predictions from
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CHAPITRE 1. INTRODUCTION 2
Rossiter (1924) fut le premier à détecter un effet de la rotation stellaire. Il a démontré
qu’à cause d’elle, la courbe de vitesse radiale des étoiles du système binaire éclipsant /3 Lyr
dévie légèrement d’un sinus au moment de passer par zéro, i.e. au moment où les deux étoiles
sont l’une devant l’autre par rapport à la ligne de visée. Comme le montre la Figure 1.1,
cette déviation est telle que la vitesse radiale est plus positive que la courbe sinusoïdale avant
l’éclipse maximale et plus négative que la courbe sinusoïdale après l’éclipse maximale. Un
tel comportement s’explique par la façon progressive dont une étoile en rotation se cache
derrière son compagnon. En effet, lorsque le disque projeté sur le ciel d’une étoile en rotation
est complètement visible, la moitié de l’étoile qui nous semble décalée vers le rouge par la
rotation est compensée par l’autre moitié qui nous semble décalée vers le bleu. Toutefois, si
nous ne voyons plus qu’une partie du disque de l’étoile partiellement éclipsée, la moyenne des
composantes radiales de vitesse de rotation sur toute cette partie s’ajoute à la vitesse radiale
orbitale mesurée de l’étoile. La rotation de l’étoile éclipsée se manifeste donc clairement dans
la courbe de vitesse radiale totale de la binaire.
Bien que nous sachions maintenant que toutes les étoiles tournent plus ou moins vite
sur elles-mêmes, nous ignorons totalement la rotation dans le modèle standard de la structure
stellaire interne. C’est que depuis qu’existent des études sur la rotation stellaire, cette dernière
a toujours été considérée comme reponsable d’effets du deuxième ordre seulement. Cette
approximation doit maintenant être révisée, car dans la dernière décennie, plusieurs désaccords
entre les modèles stellaires sans rotation et les observations ont fait surface, entre autres
concernant la distribution d’étoiles dans le diagramme Hertzsprung-Russell (diagramme HR)
à différentes métallicités et les abondances d’hélium et d’azote à la surface d’étoiles massives
en rotation rapide (Maeder & Meynet 2000b). C’est pourquoi, depuis, plusieurs efforts sont
déployés afin d’inclure les effets de la rotation dans les modèles stellaires.
Cette thèse porte tout particulièrement sur la mesure de la période de rotation des étoiles
Wolf-Rayet (WR). C’est pourquoi cette introduction commence par une brève présentation
de ces étoiles et poursuit par une discussion sur la rotation des étoiles WR. Il y est question
de l’impossibilité d’effectuer une mesure directe de la vitesse de rotation des étoiles WR et de
ce que nous proposons comme technique pour, malgré cela, déduire leur taux de rotation.
s —
d. . L L L ! L—i,
FIG. 1.1 — Effet de la rotation sur la courbe de vitesse radiale du système binaire Lyr. Le
panneau du haut montre la courbe totale sur laquelle est ajusté un sinus, et le panneau du
bas montre le résidu obtenu lorsque le sinus est soustrait de la courbe. (Rossiter 1924)
1.1 Les étoiles Wolf-Rayet
Les étoiles Wolf-Rayet’ (WR) portent le nom de leurs découvreurs, Wolf & Rayet (1867),
qui avaient identifié, dans la constellation du Cygne, trois étoiles qui montrent de larges et
fortes raies spectrales en émission. Depuis, ce sont 298 étoiles WR qui ont été trotivées dans
la Voie Lactée seulement, sans compter les 17 autres candidates WR dont on attend toujours
la confirmation (van der Hucht 2006).
Les fortes et larges raies en émission observées dans le spectre des étoiles WR proviennent
de leur puissant vent stellaire qui est si dense que le continu est émis dans la matière en
expansion, au-delà de la base du vent. Il existe typiquement deux types de spectre WR, i.e.
les spectres avec de fortes raies d’hélium et d’azote, de sous-type WN, et les spectres avec
de fortes raies d’hélium, de carbone et d’oxygène, de sous-type WC ou WO. Selon la force
des raies et le rapport entre les raies de Nui-v et de Hei-ii, les étoiles WN se subdivisent en
classes spectrales entre WN2 et WN5 pour les étoiles dites “early” (WNE) et entre WN7 et
WN9 pour les étoiles dites “late” (WNL). Il existe aussi les étoiles de classe WN6 qui sont soit
‘Pour plus d’information sur les étoiles WR, consulter l’excellente revue réalisée par Crotvther (2007)
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cLearly soit “late”. Si des absorptions qui proviennent de l’hydrogène sont observées, le suffixe
“h” est ajouté à la classe spectrale des WN; ou encore le suffixe “ha”, si, en plus, les raies
d’émission sont intrinsèquement faibles. Le sous-type WC se subdivise aussi en différentes
classes en fonction du rapport des raies de Ciii et de Civ, ainsi que de l’apparence des raies
de Oui-v. Les étoiles de classe entre WC4 et WC6 sont dites “early” (WCE) et celles de
classe entre WC7 et WC9 sont dites “late” (WCL). Dans les quelques rares cas où le vent
d’une étoile normalement de type WCE est particulièrement riche en oxygène, on dit plutôt
que son sous-type est WO. Finalement, lorsque la raie CivÀ58Ol-12 est anormalement forte
dans le spectre d’une étoile qui serait, sinon, de sous-type WN, l’étoile prend la classification
intermédiaire WN/WC.
Les étoiles WR dites “classiques” sont les descendantes des étoiles de type O. Elles brûlent
de l’hélium en leur coeur, ont une masse entre 10 et 25 M0 et perdent de la masse à un tatix
de iO M0/an. La vie des étoiles WR “classiques” dure environ 500 000 ans, ce qui
représente 109 de l’existence totale de l’étoile. Toutefois, une étoile massive peut avoir un
vent typique des étoiles WR lors d’autres phases de l’évolution stellaire. En effet, les étoiles
O les plus massives vont émettre un vent WR alors qu’elles sont encore sur la série principale
(SP) (Ces étoiles sont probablement les WR de type WN6h(a)), ou encore, alors qu’elles sont
dans cette phase intermédiaire entre le brûlage central d’hydrogène et celui d’hélium, que l’on
nomme LBV (pour Luminous Bine Variable), où elles prennent les sous-types WN1O-11. En
définitive, il est possible de dire que, selon leur masse, toutes les étoiles O vont devenir WR à
un moment ou un autre de leur évolution. À métallicité solaire, les étoiles les moins massives
qui deviennent WR ont une masse initiale d’environ 25 M®. Ainsi, pour toute étoile dont la
masse initiale est entre 25 et 40 M0, l’évolution entre la SP et l’explosion supernova (SN) se
produit comme suit
O -* SGR/LBV -* WN -* SN lb,
où SGR/LBV signifie que la phase transitoire entre l’étoile O et l’étoile WN sans hydrogène
peut être une supergéante rouge ou une LBV, selon la masse initiale. On remarque que de
telles étoiles ne passent pas par la phase WC. En effet, cette phase ne se produit que lors de
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l’évolution d’étoiles d’au moins 40 M0. Ainsi, pour les étoiles dont la masse initiale se situe
entre 40 et 75 M0, l’évolution est plutôt
O - LBV - WN -* WC - SN Je.
Les étoiles dont la masse initiale est plus grande que 75 M0 deviennent, quant à elles,
des étoiles WN riches en hydrogène avant de quitter la SP et leur évolution est
O - WNh(a)
- LBV -* WN -* WC -* SN le.
Les supernovœ de type SN Ib/c sont des explosions provoquées par l’effondrement d’étoiles
massives qui sont pauvres en hydrogène.
La rotation stellaire a une grande influence sur les paramètres physiques des étoiles WR.
Par exemple, l’existence d’une classe intermédiaire WN/WC serait une conséquence directe de
la présence de processus de mélange induits par la rotation. Dans ce qui suit, nous discutons
des effets et de l’évolution de la rotation des étoiles WR avant de présenter la méthode que
nous proposons pour mesurer la période de rotation de ces étoiles.
1.2 La rotation des étoiles Wolf-Rayet
Georges Meynet, André Maeder et leurs collaborateurs ont publié une série d’articles dans
lesquels sont décrits les effets de la rotation sur les modèles de structure interne et d’évolution
des étoiles massives. Ils y démontrent que la rotation change la structure hydrostatique et le
taux de perte de masse, et qu’elle est responsable de processus de mélange tels que la circula
tion méridienne et le transport turbulent. Ces effets sont présentés en détail dans l’Annexe A.
C’est dans le dixième et le onzième article de la série (i.e. Meynet Maeder 2003, 2005)
qu’il est question plus particulièrement de la rotation des étoiles WR à métallicité solaire et à
différentes métallicités, respectivement. On y voit que les modèles d’étoiles de type O qui ont
une vitesse de rotation y typique lors de leur passage sur la SP passent au stade WR à des
étapes plus précoces de l’évolution et y restent plus longtemps que les modèles sans rotation.
On y voit aussi que la rotation permet le passage par la phase transitoire WN/WC, ce qui est
impossible sans rotation, et que, si la rotation est extrême, elle peut même permettre à uneC étoile massive d’éviter la phase LBV. Finalement, on y apprend que les différents processus
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de mélange changent les abondances chimiques de surface et que les rapports C/He et O/He
diminuent lors de la phase WC.
Selon les modèles, il est donc clair que la rotation a plusieurs conséquences importantes
sur les paramètres physiques et sur l’évolution des étoiles WR. De plus, il se trouve que ces
impacts semblent vérifiés, car les modèles qui incluent la rotation permettent de mieux prédire
les abondances de surface ainsi que les rapports de populations WR/O et WN/WC que ne
peuvent le faire les modèles sans rotation. Toutefois, afin de savoir le véritable impact de la
rotation sur les étoiles WR, il faut d’abord connaître la vitesse de rotation à laquelle ces étoiles
tournent.
Selon les prédictions de Meynet & Maeder (2003, 2005), les étoiles WR devraient avoir une
vitesse de rotation plutôt modeste, i.e. autour de v=50 km s1 ou moins, selon la métallicité
et le taux de perte de masse de l’étoile, et ce, indépendamment de la masse et de la vitesse
de rotation initiales. La raison est fort simple; comme la quantité de matière que doit perdre
l’étoile pour devenir WR est énorme, il lui faut avoir à un moment donné de son évolution
un taux de perte de masse élevé, ce qui fait fort probablement perdre à l’étoile beaucoup de
moment cinétique à la surface. Ainsi, tout dépendant de la vitesse à laquelle l’étoile perd sa
masse, la vitesse de rotation à la surface diminue. Comme, en même temps, la rotation du coeur
d’hélium accélère, puisqu’il se contracte à la fin du brûlage central d’hydrogène, cela entraîne
une rotation fortement différentielle, si toutefois il n’existe aucun couplage entre les couches
internes et la surface. Par contre, si un tel couplage existe, soit parce qu’il est rendu possible
par les processus de mélange, soit parce qu’il résulte de la présence d’un champ magnétique, la
rotation différentielle sera plus ou moins grande et le coeur stellaire sera plus ou moins ralenti
par la rotation lente à la surface (voir l’Annexe B pour de plus amples détails sur l’évolution
de la rotation des étoiles massives en général).
La Figure 1.2, tiré de Meynet & Maeder (2003), montre l’évolution de la rotation d’étoiles
qui ont comme vitesse initiale de rotation à la surface v=300 km s1 et une masse initiale
de M=25 ou 85 M0. Comme ces étoiles perdent de la masse, l’évolution est tracée en fonction
de la masse actuelle plutôt qu’en fonction du temps. Du haut en bas de la figure, on peut
suivre l’évolution de la période, P, de la vitesse de rotation, y, et du rapport entre la vitesse
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angulaire, Q, et la valeur critique, Q,. La vitesse critique est la vitesse à laquelle la gravité
de l’étoile est compensée à l’équateur par la force centrifuge. La phase WNL est tracée en
rouge et les phases WNE et WC, en bleu. Afin de mieux suivre l’évolution de la rotation par
rapport à celle de l’étoile, l’évolution du rayon stellaire est tracée dans le panneau du milieu
par un trait discontinué. Cette figure montre que non seulement la vitesse de rotation reste
modeste tout au long de la vie de l’étoile WR (sauf peut-être après une légère accélération à
la fin du stade WN de l’étoile qui a M =25 M0), maïs aussi la rotation est toujours loin d’être
critique. La Figure 1.3, aussi tirée de Meynet & Maeder (2003), est semblable à la Figure 1.2,
sauf que cette fois, les deux étoiles ont la même masse initiale, soit M=60 M0, et qu’elles
diffèrent seulement par leur vitesse de rotation initiale, soit v=300 ou 500 km s1. Cette
fois encore, on voit que la vitesse de rotation reste modeste tout au long de la vie de la phase
WR. Il y a, il est vrai, un pic intense dans les deux courbes de vitesse y et Q lorsque l’étoile
de v=300 km a 30 M0 et que celle de v=500 km s a 24 M0. Cela se produit
lorsque l’étoile change rapidement de rayon alors qu’elle passe au stade d’étoile d’hélium. Mais
par la suite, y et Q décroissent très vite à cause du très grand taux de perte de masse, même
si le rayon décroît.
Faut-il donc croire que le taux de rotation est modeste pour toutes les étoiles WR? Appa
remment pas, car les modèles actuels de sursauts gamma à longue échelle de temps nécessitent
l’existence d’au moins un certain nombre de coeurs d’étoiles WC en rotation rapide (peut-être
1 ¾ des étoiles WR). En effet, ces sursauts gamma seraient produits par des collapsars, i.e. des
étoiles dont le coeur s’effondre en trou noir à la fin du brûlage central qui mène aux éléments
du groupe du fer, plutôt que d’exploser en supernova. Tous les collapsars ne produisent pas
de sursaut, car pour y arriver, il faut que l’étoile progénitrice ait une rotation rapide lors de
la phase pré-supernova. Si c’est le cas, au moment de l’effondrement de cette étoile, un disque
de matière se forme à l’équateur, et c’est l’accrétion de matière vers le trou noir le long de ce
disque qui produit des jets puissants dans lesquels la matière se meut à très grande vitesse,
ce qui émet des rayons gamma (Woosley et al. 1993; MacFadyen & Woosley 1999; Woosley
& Heger 2001; Fryer 2003). Finalement, Heger & Langer (2000) et Hirschi et al. (2004) ont
montré qu’en laissant évoluer un coeur d’hélium obtenu à partir d’une étoile de type O qui a
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— Même chose que la Figure 1.2
pour pour M60 M et v=3OO ou 500
km s1.
une vitesse de rotation typique, il est possible qu’il atteigne la vitesse de rotation nécessaire
aux collapsars pour produire un sursaut gamma et ce, malgré tout ce qui est discuté plus haut
qui aurait pu le ralentir.
Jusqu’à maintenant, il a été question de prédictions théoriques. Mais comment savoir le
véritable taux de rotation des étoiles WR? Le taux de rotation des étoiles O est bien établi par
des relevés à grande échelle comme ceux de Penny (1996) et Howarth et al. (1997). Ces études
sont basées sur la mesure directe de y sin(i) (où j est l’inclinaison du plan de rotation par
rapport à la ligne de visée) à partir de l’élargissement des raies photosphériques en absorption
causé par la rotation. Or, il se trouve que le spectre des étoiles WR ne contient que très
rarement ces raies, puisque la lumière qui provient de la photosphère est absorbée par le vent






























FIG. 1.2 Évolution de la période, de la
vitesse rotation et du rapport entre la vi
tesse angulaire et la vitesse angulaire cri
tique pour v=3OO km s et Mzr25 ou
85 M®. Voir le texte pour plus de détails.
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vent. Deux mesures directes à partir de raies en absorption ont été tentées par Massey (1980)
et Massey & Conti (1981) sur les étoiles WR 138 et WR 3, mais les résultats sont loin d’être
concluants, puisque les auteurs n’ont pu tenir compte de la turbulence et de l’expansion du
vent stellaire qui dominent pourtant l’élargissement des raies, faute de connaître véritablement
leurs effets sur les profils de raie. La mesure directe de la vitesse de rotation des étoiles WR est
pour cela impossible et il devient donc crucial de se tourner vers une autre façon de déduire
le taux de rotation des étoiles WR. S’il n’est pas possible de voir l’étoile elle-même et de
déterminer ainsi sa vitesse de rotation, peut-être est-il possible de le faire en utilisant un
phénomène propre aux vents stellaires.
Les vents des étoiles massives en général sont très variables. En plus de la variabilité
stochastique à petite échelle provoquée par l’hétérogénéité dans les vents (Moffat et al. 1988;
Eversberg et al. 1998; Lépine & Moffat 1999), une variabilité à grande échelle est aussi présente
dans les spectres des étoiles massives. Cette variabilité a d’abord été observée dans le vent
d’une étoile de type O, i CMa, par Underhill (1975) qui a trouvé des composantes discrètes
d’absorption (DACs) dans la partie en absorption des profils de raies P Cygni en bande UV
(voir la Figure 1.4). Les campagnes intensives dans le domaine UV qui ont suivi (e.g. Walborn
& Nichols 1994; Massa et al. 1995; Prinja et al. 1995) ont montré que les DACs se déplacent
plus ou moins rapidement des petites vitesses négatives vers les grandes vitesses négatives, i.e.
qu’elles apparaissent près de l’extrémité rouge de la partie en absorption des profils P Cygni
et se dirigent vers l’extrémité bleue (voir la Figure 1.5). De plus, les DACs sont récurrents et
leur périodicité semble être corrélée avec la période de rotation des étoiles (Prinja 1988).
Mullan (1984) propose que les DACs dans les spectres des étoiles massives sont dus à la
présence de structures à grandes échelles dans le vent stellaire, soit les Régions d’Interaction
en Corotation (CIRs), qui s’enroulent autour de l’étoile sous l’effet de la rotation et qui
induisent une absorption supplémentaire lors de leur passage par la ligne de visée. Les CIRs,
étudiées en détail dans le vent solaire (Hundhausen 1972) sont, comme leur nom l’indique,
des régions d’interaction entre deux composantes de vents de vitesses différentes qui sont en
corotation avec l’étoile. Par exemple, dans le Soleil, comme la couronne n’est pas en expansion
sphériquement symétrique, certaines régions de la couronne émettent un vent plus rapide que







FIG. 1.4 — Profil de la raie
Cii ÀM334/1335 de rj CMa obtenu
par Underhill (1975). Les traits verticaux
indiquent la position des DACs.
FIG. 1.5
— Spectre moyen et spectre dy
namique du doublet de Siiv de l’étoile
HD 64760. Les régions les plus sombres
correspondent aux intensités les plus pe
tites. (Fullerton et al. 1997)
d’autres régions. On ne connaft pas l’origine de ce phénomène, mais son existence, combinée
avec la rotation du Soleil, crée une interaction entre les différents jets. À cause de la rotation
à la base des trajectoires des jets, la région d’interaction est en corotation et s’enroule autour
de l’étoile. Mullan a aussi montré que les CIRs peuvent se former dans les vents d’une grande
variété d’étoiles et qu’elles dépendent principalement d’une asymétrie longitudinale dans le
profil de vitesse ou de densité du vent.
Dans le cas des étoiles massives, l’origine des CIRs peut être des taches magnétiques,
ou encore des perturbations à la base du vent causées par des pulsations non-radiales, qui
induisent dans le vent des régions plus denses, donc plus lentes que la moyenne du vent
ambiant. Owocki et al. (1995) et Fullerton et al. (1997) ont réalisé un modèle cinématique et
Cranmer 8 Owocki (1996) un modèle dynamique pour suivre la réponse du vent radiatif à une
perturbation à la surface de l’étoile, i.e. une tache. Ils doivent pour cela supposer que cette
réponse soit indépendante des détails du mécanisme physique à l’origine des CIRs et qu’elle
ne dépende que des changements de vitesses et de densité à la base du vellt. Le résultat de
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à l’axe de rotation de la densité du vent obtenue lorsque les autellrs imposent deux taches
brillantes distancées de 180° sur la surface de l’étoile. On y distingue cinq régions différentes
(découpées par les lignes pointillées dans la figure). La région I est proche de l’étoile (r 2 R)
et se courbe légèrement sous l’effet de la rotation. C’est là que la tache augmente directement
le taux de perte de masse et la densité du vent. Au devant de la tache (dans le sens de la
rotation), il y a la région II, peu perturbée, où se propage une petite fraction de vent dont la
densité est directement augmentée par la tache. La région III, plus lente que la vitesse moyenne
du vent, vient directement du centre même de la tache. C’est la collision entre cette partie et
le vent plus rapide qui vient par en dessous (dans le sens radial) qui crée la compression du
vent par choc faible en corotation. Au-devant du choc non-linéaire, il y a la région IV, où le
vent se raréfie et se propage à la même vitesse que la compression. Dans la région V se crée
un plateau de vitesse. Pour voir les effets de chacune des régions sur les spectres observés, les
auteurs calculent la profondeur optique radiale de Sobolev dans le vent. De façon surprenante,
la région où l’opacité est la plus grande n’est pas celle où se forme la compression (III), mais
celle où le gradient de vitesse est plutôt faible (V). La formation de DACs s’explique donc par
la présence d’un plateau de vitesse qui augmente le nombre d’absorbeurs d’un petit intervalle
en vitesse (ou longueur d’onde). Le déplacement périodique des DACs dans le spectre traduit
alors le passage périodique des CIRs, dû à la rotation stellaire. Il est donc possible de déduire
la période de rotation des étoiles massives à partir de la période des CIRs. Malheureusement,
il est impossible d’observer les DACs dans le spectre des étoiles WR, car leur spectre UV
ne contient que des profils P Cygni dont l’absorption est saturée (sauf pour WR 24, la seule
exception). Donc, les DACs non plus ne sont pas la solution au problème de la détermination
du taux de rotation des étoiles WR.
Toutefois, les DACs ne sont pas les seules manifestations des CIRs. En effet, comme
l’émissivité du vent dépend de la densité au carré, la zone de compression des CIRs (la région
III de la Figure 1.6) émet plus de photons que le vent moyen. On peut donc détecter une
variation de profil de raie en émission dans le spectre optique qui correspond au mouvement
des CIRs par rapport à la ligne de visée. Si les DACs sont une manifestation des CIRs lors de










































FIG. 1.6 Densité normalisée par le vent non-perturbé obtenue par le modèle de Cranmer &
Owocki (1996). Les lignes pointillées divisent les différentes régions dans le vent.
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se produit à toutes les positions des CIRs par rapport à la ligne de visée. Ainsi, la variabilité
des raies d’émission est un moyen de sonder le vent en trois dimensions. Dessart & Cbesneau
(2002) ont utilisé le même formalisme que Cranmer & Owocki (1996) pour leur modèle de CIRs
et ont obtenu des variabilités syntbétiques de raies d’émission à partir de deux taches stellaires
(voir la Figure 1.7). Pour simplifier le traitement, ils supposent que le processus d’émission
est optiquement mince. Cela permet d’examiner l’émission qui provient des CIRs sans perte
de photons par des effets d’opacité. Dans les deux modèles présentés, le seul paramètre qui
a changé est l’inclinaison de l’axe de rotation de l’étoile avec la ligne de visée (i 200 pour
le modèle A et i = 70° pour le modèle B). On peut voir que la variabilité prend une forme
sinusoïdale pour chaque bras spiral et que les deux taches stellaires séparées par 180° donnent
un spectre dynamique en forme de “tresse”. Ce qui change, ce n’est pas la période, car elle est
indépendante de j, mais ce sont les vitesses maximales atteintes par les surplus d’émission,
i.e. VmaŒ = +Vœ cos(i). Si on connaît déjà la vœ de l’étoile à partir de modèles ou à partir
du flux infrarouge, la mesure de Vmax donne une mesure indirecte de j. Notons ici que sans
effet d’opacité, la largeur équivalente des raies variables reste constante sur tout le cycle.
a) t’ c)
B.
Ce genre de variabilité a déjà été observé dans l’étoile EZ CMa, aussi appelée WR 6,
(Morel et al. 1997, 1998, voir la Figure 1.8) et dans l’étoile WR 134 (Morel et al. 1999).
FIG. 1.7 — Spectres dynamiques
obtenus par les modèles de Dessart
& Chesneau (2002). i = 20° pour le
modèle A et i = 70° pour le modèle
FIG. 1.8 — Spectres dynamiques observés par Mo
rel et al. (1997, 1998) à partir du spectre de WR6.
a) est la raie Nw À4058, b), la raie HeII À4686 et
c), la raie Han À6560.
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S’il existe plusieurs différences entre les résultats observationnels de WR 6 et les modèles de
Dessart et Chesneau, c’est que les modèles sont obtenus en ne prenant que deux CIRs sur le
plan équatorial séparés de 1800 dans un vent parfaitement optiquement mince, alors que dans
la réalité, le nombre de CIRs est arbitraire, tout comme leur position sur l’étoile. De plus, les
effets d’opacité peuvent faire paraître un CIR moins intense une fois derrière l’étoile plutôt
que devant elle. Sinon, on peut toujours remarquer la même forme de déplacement pseudo
sinusoïdal des variabilités en émission dans le modèle et dans les variabilités observées.
Morel et al. (1997, 1998) montrent que la période de 3, 77 jours trouvée pour WR 6 en
photométrie (Firmani et al. 1980) est la même que la période des variabilités spectrales. De
plus, la période et le patron de variabilité sont les mêmes pour toutes les raies spectrales,
peu importe leur potentiel d’ionisation (donc peu importe le rayon dans le vent où la raie
est formée). La seule différence qui existe entre les patrons de variabilité des différentes raies
est causée par un petit décalage en phase dans les raies de plus haut niveau d’ionisation, ce
qui peut être dû à la courbure spatiale des CIRs. Cela indique donc que la rotation des CIRs
est solide et qu’elle ne souffre pas de rotation différentielle, ce qui est rassurant, puisque cela
signifie que la période trouvée dans la variabilité de n’importe quelle raie est équivalente à
la période de rotation de l’étoile. Ainsi, pour WR 6, en prenant un rayon stellaire de 3 R0
(Hamann et al. 1988) et en supposant que les CIRs ont pour origine la surface de l’étoile (ce
qui semble une supposition raisonnable), on obtient une vitesse de rotation de 40 km s
à la surface. Dans le cas de WR 134 qui a aussi un rayon stellaire de 3 R0 (Hamann et al.
1995) et une période de 2,25 jours (McCandliss et al. 1994), cela donne une vitesse de rotation
de ‘-. 60 km s1 à la surface. Ces deux valeurs sont en accord avec les prédictions faites par
Meynet &i Maeder (2003, 2005) et si d’autres cas d’étoiles WR qui montrent une variabilité
spectrale due aux CIRs peuvent être découverts, il serait possible de déduire pour la première
fois le taux de rotation des étoiles WR.
Dans cette thèse, je présente d’abord nos efforts pour identifier un grand nombre de can
didats WR qui pourraient montrer des variabilités du type CIR. Pour ce faire, nous avons
complété un premier relevé spectroscopiqtie de toutes les étoiles WR galactiques plus brillantes
que v=12.5 magnitudes et observables depuis l’Observatoire du mont Mégantic (Québec),
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présenté au Chapitre 2, puis un deuxième relevé de toutes les étoiles WR galactiques plus
brillantes que v=13 magnitudes et observables depuis le télescope de 1,5 mètres à l’Obser
vatoire Inter-Américain de Cerro Tololo (Chili), présenté au Chapitre 3. Comme les CIRs
semblent ne pas être stables sur une échelle de temps infinie, ils changent de forme en fonction
de l’époque où on les observe, ce qui change le patron de variabilité que l’on obtient. Cela
implique que les quelques spectres obtenus pour les relevés ne sont pas seulement insuffisants
en nombre, mais aussi ils ne sont pas assez bien disposés dans le temps pour que l’on puisse
en déduire quoi que ce soit d’autre que le niveau global de variabilité. C’est pourquoi il faut
suivre chaque étoile candidate de façon intensive en spectroscopie et/ou en photométrie pour
vraiment confirmer que les variations spectrales viennent bien de la présence de CIRs et pour
déduire la période de rotation de l’étoile. Cela a pu être fait pour WR 1, et les résultats sont
présentés au Chapitre 4. Toutefois, dans la liste d’étoiles candidates que nous avons établie à
la suite de ces deux relevés, toutes ne varient pas à cause de la présence de CIRs. Ainsi, au
Chapitre 5, je présente un suivi intense en spectroscopie de l’étoile WR 123 qui s’est trouvée
être variable dû à la présence de fortes pulsations non-radiales.
Au Chapitre 6, je conclus cette thèse avec un aperçu des résultats préliminaires déjà
obtenus pour des étoiles candidates dont l’étude n’est pas encore tout à fait complétée. Cela
permet une première estimation du taux rotation des étoiles WR. Finalement, je termine
toute cette discussion avec les résultats de travaux récents sur les DACs qui proposent que les
périodes que l’on peut déduire à partir des CIRs correspondraient à des périodes de pulsations,
plutôt que de rotation. Je montre que malgré cette éventualité, nous continuons de croire, à
la lumière de nos résultats, que dans notre cas, il s’agit réellement des périodes de rotation.
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2.1 ABSTRACT
We present the results of a systematic search for large-scale spectroscopic variability in
apparently single Wolf-Rayet stars brighter than y 12.5. In this flrst paper we discuss the
stars in the northern hemisphere. For each star in our sample, we obtained 4-5 high-resolution
spectra with a signal-to-noise ratio 100. Our ultimate goal is to identify new candidates
presenting CIR-type variability.
Out of a sample of 25 stars, 9 were found to be large-scale variables of which 3 present
CIR-type changes (WR 1, WR 115 and WR 120). 0f the remaining stars, 8 were found to
be small-amplitude variables which we attribure to normal blob-type variability, and 5 were
found to be non variables. Three WN8 stars present a different type of variability and deserve
a class of their own. Finally, ail three WC9d stars in our sample are also large-scale variables
but it remains to be checked if these are binaries, as many dust-making WR stars are double.
$‘ubject headings: stars: Wolf-Rayet — stars: variables stars: winds, outflows — stars: mass
loss
2.2 Large-Scale Variability in Presumably Single WR stars
Altough our general knowledge of Wolf-Rayet stars has greatly improved over the last
few decades, there are stiil some aspects which have been barely touched observationally
and therefore for which we have very little information. Among these are magnetic flelds,
pulsational properties and rotation rates.
Stellar rotation has 110W been fully incorporated into evolutionary models of massive stars
(eg. Meynet & Maeder 2000; Heger, Langer & Woosley 2000). This was prompted by several
observational facts that were unexplained by the previous models without rotation (eg. Meynet
et al. 1994; Woosley, Langer & Weaver 1993) and that pointed to a solution related to mixing.
For example, Herrero et aI. (1992) had found that many O stars, and in particular fast rotators,
show an enhanced He abundance. In fact, so many stars were deviant from the predicted
theoretical values that they called this the hetium discrepancy. The models including rotation
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have been very successful in reproducing the observed abundances, predicting higher He and
N abundances for higher masses and higher rotation velocities. Evolutionary models with
rotation have also provided a solution for many other previously unexplained observations
such as the well-known blue-to-red supergiant ratio (B/R) problem (e.g. Langer & Maeder
1995). Indeed, when neglecting rotation, evolutionary models were unable to reproduce the
rapid increase in B/R with increasing metallicity. As the new models predict many more red
supergiants at low metallicity coupled with a shorter blue supergiant phase, they provided a
natural solution.
It iS 110W clear that rotation is an important factor in our understanding of massive stars
and their evolution, It is therefore interesting to compare theoretical predictions with the avai
lable observational data. for O stars, the latest homogenous, large-scale surveys of projected
rotational velocities have been carried out by Penny (1996) and Howarth et al. (1997), who
respectively studied 177 and 373 stars, the latter also including early-type B stars. These stu
dies were both based on high-resolution lUE spectra and used a cross-correlation technique
with a narrow-line template spectrum to measure the rotational speeds. Both stiidies note
the absence of very narrow unes for supergiants while some smaller velocities are found for
main-sequence stars. Instead of interpreting this as a possible increase in rotational velocities
as the star evolves, these authors favour an additional broadening mechanism sucli as macro-
turbulence. In fact, Howarth (2004) strengthens this assertion by pointing out that the shape
of the absorption unes expected from pure rotation is a poor match to the observed profiles
and that a line dominated by transverse turbulence is a much better match. The distribution
ofprojected rotational velocities peaks at 80 kms’ and has a very extended high-velocity
tau reaching to 400 km s’. These values are not incompatible with model predictions; on
the main sequence, the models show that even if the star starts out with a relatively fiat
internal rotation profile, the rotation becomes increasingly differential (but neyer more than
a factor of two in velocity) because the convective core is contracting and therefore spinning
up, while the outer layers are expanding and therefore siowing down. In spite of this, there
is a global decrease in the rotation rate as a function of time as angular momentum is lost
through mass-loss. So, depending on their age and their initial rotation rate, the observed
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velocities are quite acceptable. Interestingly, Penny (1996) notes that, in fact, the higher ro
tational velocities are generally associated with lower-mass stars. This is an important resuit.
Indeed Meynet & Maeder (2000) predict that the rotation rates decrease more rapidly for
higher initial rotation rates and for higher mass and therefore higher mass-loss stars, in view
of the increased loss of angular momentum. This agrees very nicely with the observations.
For WR stars, very slow surface rotation velocities of around 50 km s1 are predicted
(Meynet & Maeder 2003) and this value is essentially independent of the original rotation
speed on the main sequence. The reason for this is simple; the amount of mass that must be
removed from massive stars to turn them into WR stars is so big that most of the angular
momentum is lost in the process. However, the differential rotation that steadily increased on
the main sequence suddenly becomes very pronounced, as the helium core contracts at the
end of core hydrogen burning. The star ends up with a core spinning faster than the initial
ZAMS rotation velocity.
A fast-spinning core, at least in some WR stars, would sllpport the presently favoured
model to explain long-soft Gamma-Ray Bursts (GRBs). Indeed, the so-called coïtapsar model
(Woosley 1993; IvlacFadyen & Woosley 1999; MacFadyen, Woosley & Heger 2001) involves
the collapse of a rapidly rotating massive star in its pre-supernova phase. In this model, the
central core becomes a black hole surrounded by a disk. The accretion of matter through the
disk creates powerful jets in which the matter travels at very high speeds. Heger & Langer
(2000) and Hirschi, Meynet & Maeder (2004), have followed the evolution of a rotating He
core to determine if the very rapid core velocities required by the collapsar model could be
reached in spite of the many modes of transport and redistribution of the angular momentum
taking place (mass-loss, shear, turbulence, convection, etc). They found that indeed this is
possible for initial rotation speeds on the main sequence that are typical of that of O stars
(e.g. Penny 1996).
The initial attempts to include magnetic fields in massive-star models is flot enjoying the
same success as rotation. Spruit (2002) concluded that a significant dynamo magnetic fleld
can be produced by the amplification of a weak fossile toroidal field wound up by differential
rotation. A magnetic instability (such as the Tayler instability; Tayler 1973) plays the role
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normally held by convection. Maeder & Meynet (2004) have produced a numerical model for
a maguetic, rotating star of 15 M0 and find that it nearly rotates like a solid body. The
properties of such n star are more similar to the models neglecting rotation, in particular
for the surface abundances that were so niceiy reproduced by the non-magnetic rotating-star
models. In the final stages, the situation is not much better. Woosley & Heger (2003) and
Heger et al. (2004) have considered the final evolution of a He core when magnetic torques are
taken into account. They find that rotation speeds are then not high enough to reproduce the
soft GRBs. In view of this problem Fryer & Heger (2005) have considered the merger of two
helium stars in a binary system during the common envelope phase and find that in certain
situations it is possible to retain sufficient angular momentum to produce a CRB.
No reliable direct observation of WR rotation rates has ever been obtained. Attempts have
been made to estimate them based on the width of (rareiy present) photospheric absorption
unes in WR spectra (Massey 1980; Massey & Conti 1981), but these have been questioned,
as wind expansion and turbulence have not been taken into account and are a very likely
broadening mechanism.
The winds of massive stars have been demonstrated to be highly variable. In particular,
one type of structure in the wind that accounts for some of these variations, Co-rotating
Interaction Regions (CIRs), are thought to be closely linked to the rotation of the star.
Indeed, these structures are caused by perturbations at the base of the wind that propagate
through it and are carried by rotation. This generates a spiral-like structure in the density
distribution, analogous to those commonly observed in the solar corona (Hundhausen 1972),
which very likely leads to the ubiquitous Discrete Absorption Components in the spectra of
ail O stars (Cranmer & Owocki 1996). These are rarely observed in WR P Cygni profiles
as their absorption components are usually saturated (one exception is WR 24; Prinja &
Smith 1992). However, it is believed that they also lead to a very characteristic, large-scale,
periodic variability pattern in WR-wind emission unes. A time-series of model spectra by
Dessart & Chesneau (2002) shows the unambiguous S-shape produced by these variations in
WR emission lines (see Figure 1.7). Observational support has been obtained for this type
of variability in two clear cases through repeated spectroscopic observations. WR 6 (St-Louis
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et al. 1995, P=3.76 days) and WR 134 (McCandliss et al. 1994, P=2.25 days) show periodic
variations without any indication of a companion. Figure 1.8 shows a series of observations for
three different unes of WR 6 (from Morel et aL 1997). The correspondence between the data
and models is striking when one considers that opacity effects, which are certainly occurring
in the observed data, have not been included in the models. This brings strong support to the
idea that CIRs do in fact trace the rotation rate of the star very close to its supposedly fast
spinning core. For a radius of 3 R0 for both stars (Hamann et al. 1988, 1995), this rotation
rate corresponds to an equatorial rotation speed of’-. 40km s1 for WR 6 and of’-..’ 70km
for WR 134, not too different from values predicted by the evolutionary models. The periods
and variability patterns were found to be the same for unes formed at varions distances in the
wind, indicating that the CIRs are governed by angular momentum conservation which results
in a coherent structure in the wind. The period therefore provides a direct measurement of
the rotation rate of the underlying star.
In an attempt to identify more WR stars displaying CIR-type variability, we have carried
out a survey of ail Galactic WR stars brighter than y ‘--.‘ 12.5. Our complete sample incfudes
43 southern stars, which will be discussed in Chené St-Louis (2007), and 25 northern stars,
which we discuss here. Our northern sample includes ail Gaiactic WR stars visible from the
Mont Mégantic Observatory that are not confirmed as SB1 or SB2 binaries. Our targets are
iisted in Table 2.1 where the stars’s name, spectral type, RA, DEC and y are provided. The
last column indicates the star’s variability status (see below). Note that although some stars
have spectral types that indicate a possible companion (not indicated in the table), none have
confirmed orbits. In the case of WR 4 and WR 128, only photometric variations have been
found without radial velocity confirmation of binarity. WR 157 is a visual binary. In the case
of WR 131, WR 143, WR 156, WR 157 and WR 158, the daim of binarity is based solely on
diluted emission unes (d.e.l.) and/or the presence of absorption unes in the spectrum (+a).
However, Hamann & Grfener (2007) argue that binary status estabiished from the d.e.l or +a
criteria is often misleading as WR stars can produce a wide variety of spectra depending on
their physical parameters. Those authors have demonstrated that in many cases these types of
spectra can be reproduced entirely with a single-star model. In particular, WR 108, WR 156
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and WR 158 were among the stars that they reproduced with a single-star model. Our final
sample consists of 16 WN stars and 9 WC stars. We have included WR 134 for comparison
even thollgh it is an already-known CIR variable.
2.3 Observations
Our observations were obtained at the 1.6m telescope of the Mont Mégantic Observatory
in Québec, Canada during 6 runs in 2001 and 2002. Details are given in Table 2.2 in which
the run number, the dates of observations and the Julian Dates (JD) are listed. We used a
830.8 l/mm grating giving a resolution LÀ=1.6 À (3 pix.) combined with a 2048x4096 EEV
CCD.
Our goal is to identify new large-scale variability within our sample of stars. The extra
featiires we are looking for on top of the main emission lines are quite large and therefore
easy to find. Based on our previous experience with WR 6 and WR 134, we have assunied
that a small number of good quality spectra, well spaced-out in time are sufficient to identify
new CIR-type variables. 0f course, to quantify the changes and determine the period, a more
thorough follow-up will subsequently be required. Therefore, we obtained 4—5 spectra per star
in our sample.
The spectra were reduced using the IRAF software package in the standard way. First a
bias vas subtracted, then each image was divided by a fiat field. After extracting the spectra,
the wavelength calibration was carried out using a He-Ar calibration lamp. Although our
original spectral range was 1500 À wide, we were forced to reject the reddest part of the
spectrum due to a lack of usable lines in the calibration spectra. The final wavelength interval
is À=4500-5200 À. The signal-to-noise ratio of the spectra ranges from 100 to 120.
As our spectra are not photometrically calibrated, the final step of our data reduction
procedure was to rectify the spectra. To do so, we have fitted a low order Legendre polynomial
to wavelength regions with no strong spectral lines and divided our spectra by the fitted curves.
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TAB. 2.1
— Our Sample of Single WR Stars in the Northern Hemisphere
Name Spectral Typea RA (2000) DEC (2000) u Variability
WRY WN4 00 43 28.4 +64 45 35.4 10.51 LSV
WR2 WN2 01 05 23.03 +60 25 18.9 11.33 NV
WR3 WN3 01 38 55.63 +58 09 22.7 10.70 SSV
WR4 WC5 02 4111.68 +56 43 49.7 10.53 NV
WR5 WC6 02 52 11.66 +56 56 07.1 11.02 NV
WR1O6 WC9d 18 04 43.66 -21 09 30.7 12.33 LSV
WR1O8 WN9h 18 05 25.74 -23 00 20.3 10.16 $8V
WR11O WN5-6 18 07 56.96 -19 23 56.8 10.30 85V
WR111 WC5 18 08 28.47 -21 15 11.2 8.23 NV
WR115 WN6 18 25 30.01 -14 38 40.9 12.32 LSV
WR119 WC9d 18 39 17.91 -10 05 31.1 12.41 LSV
WR12O WN7 18 41 00.88 -04 26 14.3 12.30 LSV
WR121 WC9d 18 44 13.15 -03 47 57.8 12.41 LSV
WR123 WN8 19 03 59.02 -04 19 01.9 11.26 LSV
WR124 WN8h 19 11 30.88 +16 51 38.2 11.58 LSV
WR128 WN4(h) 19 48 32.20 +18 12 03.7 10.54 SSV
WR131 WNZh 20 00 19.12 +33 15 51.1 12.36 SSV
WR134 WN6 20 10 14.20 +36 10 35.1 8.23 LSV
WR135 WC8 20 11 53.53 +36 11 50.6 8.36 SSV
WR136 WN6(h) 20 12 06.55 +38 2117.8 7.65 $5V
WR143 WC4 20 28 22.68 +38 37 18.9 11.95 55V
WR152 WN3(h) 22 16 24.05 +55 37 37.2 11.67 55V
WR154 WC6 22 27 17.82 +56 15 11.8 11.54 NV
WR156 WN8h 23 00 10.13 +60 55 38.4 11.09 LSV
WR158 WNZh 23 43 30.60 +61 55 48.1 11.46 55V
SpectraI types are from van der Hucht (2001)
TAB. 2.2
— Observing Runs
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2.4 Variability Search
The final spectra are shown in the top panels of Figures 2.1 to 2.13 for the two strongest
lines in the spectrum. For WN stars these are HeuÀ4686 and He1L\4860 while for WC stars
they are CIIL\4650 and Civ)5O16. For each star, we plot the individual spectra in solid lines
superposed on the mean spectrum plotted using a dashed une. The spectra have been shifted
vertically for clarity. The Julian date of each observation is indicated on the left-hand side of
the plot and the size of one flux unit (relative to the continuum) is indicated by a vertical
une on the right-hand side. The graphs are organised by spectral type starting with WN stars
from early to late types (Figures 2.1 to 2.8) followed by WC stars from early to late types
(Figures 2.9 to 2.13). Note that for WR 4, WR 111, WR 5 and WR 154, we do not show
the plot of the Cui.\4650 line because in those cases the une was on the extreme edge of the
wavelength interval and therefore there was not enough continuum on one side of the une to
allow for an accurate enough spectrum rectification. This could lead to a false detections of
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Fia. 2.1
— a) top: Montage of HeiiÀ54l2 (left) and HeiÀ5876 (riglit) une-profiles for WR 2(WN2). Superposed on individual spectra, we plot in dashed-lines the mean spectrum. The
vertical une in the right-hand corner has one unit length in relative intensity. HJD
- H]D(2000)
is indicated on the y-axis. middte: u-spectrum. bottom: (99%) spectrum. b) The same as a)
for WR 3 (WN3ha).
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FIG. 2.3
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FIG. 2.7
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FIG. 2.8
— Same as Fig.2.1 for a) WR 156 (WN8h) and b) WR 108 (WN9h).
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FIG. 2.9
— Same as Fig.2.1 for a) WR 143 (WC4) and b) WR 4 (WC5) for the CinM65O (left)
and Civ,\5016 (right) une-profiles. Note that for WR 4, the montage for the CiiiM65O une is



















— Same as Fig.2.9 for a) WR 111 (WC5) and b) WR 5 (WC6). Note that the








FIG. 2.11 — Same as Fig.2.9 for a) WR 154
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FIG. 2.13 Same as Fig.2.9 for WR 121 (WC9d).
CHAPITRE 2. LARGE-SCALE STRUCTURES IN WR WINDS I 32
In order to search for significant spectroscopic variability among our targets, we have
adopted the formalism of Fullerton et al. (1996). First, we have calculated the temporal











a standardized dispersion. Here, j is the weighted mean spectrum and uj is the noise in the
continuum and cj are wavelength correction factors given by a, ()2.
Then, we have established the level of significant variability assuming that our data are
governed by a reduced chi-squared distribution with N—1 degrees of freedom. Using the stan
dardized dipersion, uo, for scaling, we therefore adopt a threshoid of: u_(99%). Finally,
we used E(99%) l/j2 (VS) to quanti the level of variability at each wavelength: a
y
oXjv—i o)
spectrum that reaches a level of 1, is variable at a 1 u level, if it reaches 3 it is variable at
a 3 u level, etc. We have chosen a confidence level of 99%, which means that if the value of
E(99%) reaches 3, we are 99% confident that the spectrum is variable at a 3 u level. We note
that as the spectra are rectified, there is no variability information in continuum regions. In
the bottom panels of Figures 2.1 to 2.13, we have piotted the E(99%) spectrum for each star
for easy comparison with the spectra plotted above.
Inspection of Figures 2.1 to 2.13 reveals that ail stars in our sampie, with the exception
of WR 2, show significant variability in at Ieast one of the two main spectral lines in their
spectrum. For WR 4, WR 5, WR 111 and WR 154, we did not detect variability in the weak
Civ une, but we do not have usable data in the strong Ciii une. It is clear that the level of
variability is quite different from one star to another. The variations go from a few us to close
to 60u’s in WR 115. As the quahty of our spectra is relatively uniform, we can, in principie,
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compare the u from star to star, but its value oniy provides information on the significance
of the changes with respect to the noise level of our data.
As the une strengths are very different from star to star, comparing the significance level
of the variations does not provide useful physical information. A quantity that is potentially
more interesting is the fraction of the une flux that is variable. To characterize this, it is best
to rise a quantity that is representative of the variance in pixel j compared to the noise at
that wavelength (u) rather than use a weight that is linked to the noise in the associated
continuum, as the TVS does. To do this, Chené et aI. (2007) (i.e. the chapter 5 of this thesis)
have defined a modified TVS as follows:
(TVSmod)j
= (N
- 1) (_(Si - (2.2)
In order to quantify what fraction of the une flux (without the contiuurn) is variable, we divide
this value by the line flux, ( — 1). 0f course this quantity has no meaning outside emission
lines and in particular in continuum regions. To avoid any probiem, we therefore limited our
caculations to the FWHM of each line. Absorption components of P Cygni profiles are also
excluded since in that case the value of (‘j — 1) will be negative and cannot be cornpared
directly with what is observed in emission lines. Also, for very weak unes in which the une flux
is very close to that of the continuum, our ratio becornes meaningless because the denominator
is too close to zero. In such cases, we have not perforrned the caiculations aiid leave the panel
blank.
The values of u = (TVSmod)2/(j
— 1) are plotted in the middle panels of Figures 2.1
to 2.13. Several interesting conclusions cari be drawn from these plots. First, for ail types of
stars, both unes show roughly the same level of variability. However, one bas to note that in
the case of WN stars, we compared unes of the same species and therefore it is likely that they
are forrned in similar regions of the wind. Another interesting feature of the variabllity is that
the calculated values of are much stronger in P Cygni absorption components than in the
corresponding ernission components, i.e. the variations are more significant. This is perhaps
flot surprising since that part of the profile cornes from a much smaller volume of the windC
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than the emission and therefore suffers less from cancelling effects from large-scale changes in
density or ionisation arising in different parts of the wind. This effect is clearly present in the
P Cygni profile of WR 123 (HeIi.4686) or WR119 (CiiiM65O) for example.
After a careful examination of Figures 2.1 to 2.13, we divide oui sample in three main
categories: non-variables (NV), small-scale variables (SSV
— u < 5%) and large-scale variables
(LSV
— u> 5%). One has to note that the stars designated as NV are flot necessarily constant
stars, but no significant variability can be detected at a level of confidence of 99% on spectra
having signal-to-noise ratio ‘100. Our conclusions are listed in the last column of Table 1. In
the following sections we will discuss in turri WN and WC stars.
2.4.1 WN Stars
Significant variability has been found in all but one WN star in our sample, i.e. WR 2,
the WN star of the earliest type. However, this seems to be an unusual WR star. Hamann
et al. (2006) note that this star has unique line-profile shapes. These authors were unable to
reproduce the spectrum of this star using their model atmospheres without convolving the
normal wind lines with a rotation profile with a velocity of 1900 km s1, which is very close
to the star’s critical speed.
For WR 3, WR 152, WR 128, WR 136, WR 131, WR 158, WR 108, variability has indeed
been detected but at a relatively low level of u ‘-. 2
— 3% of the une flux. The nature of the
changes are also very different from the type of variability we are attempting to identify. The
structures are small and are most likely associated with inhomogeneities or blobs in the wind
of the WR stars, such as discussed for example by Moffat et al. (1988) and Lépine et al.
(1996). These are typical of the stars that we classify as SSV.
For WR 1, WR 110, WR 115, WR 134, WR 120, WR 123, WR 124 and WR 156, the
variations have a much larger amplitude. Therefore, it is quite likely that the physical pheno
menon from which they originate is different from what is observed for SSV stars. We discuss
these stars in more detail below.
WR 134 is the well-know CIR-type variable for which a period of 2.3 days has been
identified (e.g. McCandliss et al. 1994; Morel et al. 1999). We use it as a test that indeed with
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4—5 spectra we can identify easily the type of variable we are looking for. One can clearly see
on top of both the HeiIM686 and HeiiÀ486O, broad emission excesses at different positions
on the fine. The changes are highly significant and reach u = 6-8 % of the une flux.
Three other WN stars show a similar type of variability: WR 1, WR 115 and WR 120.
These are clearly CIR-type variables; large-scale structures are seen superposed on the broad
emission fines reaching u 7—8% of the une flux in WR 1 and WR 120 and u 10—12% of
the hue flux in WR 115. We therefore classify these stars as LSV and further put them in the
CIR-type category.
The situation is less clear for WR 110. Clear structures cari be distingiiished on both
spectral unes. The variations reach a level of u -.5% of the une flux, which is signiflcantly
higher than the other stars we have classified as SSV and that we associate with blobs or
small-scale wind inhomogeneities. However, the detected structures are not quite as large as
those seen for CIR-type variables. Therefore, we classify this star as a SSV and use it to
establish our approximate upper limit for the level of small-scale/blob-like variability.
Finally, for WR 123, WR 124 and WR 156, ail WN8-type stars, a different type of variabi
lity is found. The changes reach a relatively high level of variability (from 5 to 10% of the line
flux) but are different in nature from the CIR-type changes. The u profile has a very typical
shape with two maxima, one on the red and the other on the biue side of the emission une
and a minimum at une center. The only exception is the HeiiM686 profile of WR123 but in
that case there is a very strong contrast between the variability in the absorption component
and that of the emission. In fact this effect of a more variable absorption component seems to
be amphified in WR 108, the only WN9 star in our sample. Indeed, despite the fact that we
have classifled this star as a SSV, the changes are different in nature from that observed in
the other stars we have put in that category. In this case. the variabllity is actually conflned
to the P Cygni absorption component of the Heii,\4860 une, which is clearly present. In view
of the specific nature of the changes, we create a separate class of LSV, the WN8-type va
riables. ActuaÏly, WN8 stars are well-kriown to display an unusual behaviour. Marchenko et
al. (1998) presented a comprehensive study of the photometric and spectroscopic variabihity
patterns of 10 Galactic WN8 stars and found a link between the level of variability in the
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continuum and in spectral unes which they suggest may be linked to pulsational instabilities.
Other unusual behaviours of WN8 stars as summarized by Marchenko et al. (1998) include
a low binary frequency, a high distance from the Galactic plane and/or runaway speeds and
the fact that they are rarely found in stellar clusters and associations. Therefore, it is perhaps
not surprising to find that they fail in a class of their own cornpared with other types of WR
stars when it cornes to spectral variability.
2.4.2 WC Stars
Because of problems with our spectrum rectification procedure of the CniÀ465O unes in
our eariy-type WC stars, the information at our disposal for these stars is more limited than
for WN stars. Indeed, this une is located very close to the blue extremity of our wavelength
interval. Therefore, the continuum regions that are available bluewards of the line are much
more restricted. This reduces the accuracy that can be achieved during the spectrum rectifi
cation procedure. 0f course, the higher the contrast of the une with respect to the continuum,
the more it is affected by this effect. The WC4 star WR 143 has a somewhat weaker Ciii line
than the other early WC stars and therefore we were able to obtain a sufficiently accurate
rectified une profile. However, the CivÀ5Ol6 une in that star is practicalÏy inexistent. We
classify this star as a SSV as its variability level is 1% of the une flux.
For WR 4, WR 111, WR 5 and WR 154, ail WC5 and WC6 stars, no variability is
detected in the Civ.À5016 ii, which is the only usable une in our wavelength range. We
therefore classify them as non variables (NV).
For WR 135, we find small-scale variability only in the Ciu)465O line. The CivÀ5Ol6 une
is constant at the level of accuracy of our dataset. This star has been clearly identified as a
typical, small-scale variable by Robert (1992) and Lépine et al. (1996). We reach the same
conclusion here; we classify it as a SSV.
Finally, the three WC9d stars, WR 106, WR 119 and WR 121, ail reach a high level
of variabiÏity. However, as indicated by their spectral types, these WC stars are thought to
produce carbon-based dust in their atmosphere. Some WC dust makers have been shown to
be binaries (e.g. the well-known system WR 140; Hackwell et al. 1976; Williams 1978). In
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that case, it is believed that the dust is produced within the cone-shaped shock formed as
a consequence of the collision between the two stellar winds. The density in the shock cone
can possibly reach values that are sufficiently high to shield the newly formed dust from the
destructive ultraviolet radiation from the star. For single stars, however, a definite mechanism
to form dust in the wind has yet not been identifled. Shocks within the wind itself caused
by radiative instabilities have been claimed to be possible sources (Zubko 1993a,b). Since ail
three of our WC9d stars are variable, we believe that caution must be used, since coïliding
wind binaries have been shown to display une-profile variability with characteristics similar
to what we observe. It is therefore possible that the WC9d stars in our sample are yet un
identified binaries. We plan to investigate this further by carrying out intensive spectroscopic
and photometric monitoring campaigns of these stars. Therefore, we classify these stars as
LSV but create a separate class, the WC-late dust makers.
2.5 Conclusion
In summary, 5 stars in our sample, namely WR 2, WR 4, WR 111, WR 5, WR 154 were
found to be non variable. Note however that in the last 4 cases, our conclusion is based solely
on a single relatively weak line. In any case, finding a star non-variable always depends on
the quality of the data in hand.
For WR 3, WR 152, WR 128, WR 136, WR 131, WR 158, WR 108 and WR 135, variabiiity
was found but it is at a small level compared to the flux of the line and most-likely associated
with blobs in the wind.
Nine stars in our sample presented large-scale variability. 0f these, we have identified
three new CIR-type variables among our sample: WR 1, WR 115 and WR 120. Follow-up
observations with a higli temporal resolution will be required to determine if these changes
are periodic and if so identify the period.
In addition to the CIR-type variables, we have deflned two distinct classes of LSV: WN8
stars and WC9d stars. In the latter case, it remains to be checked if the stars are binaries as
similar-type changes have been associated to colliding-wind binaries.
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3.1 ABSTRACT
We present the resuits of a systematic search for large-scale spectroscopic variability in
apparently single Wolf-Rayet (WR) stars brighter than u 13. In this paper we discuss the
stars in the southern hemisphere.
Out of a sample of 41 stars, 10 were found to be large-scale variables, 22 were found to
be small-amplitude variables and 9 were not found to be variable. Since this paper completes
the survey started by St-Louis et al. (2007), a final discussion on the variability status of the
brightest Galactic WR stars is presented.
Subject headinys: stars: Wolf-Rayet
— stars: variables
— stars: winds, outftows stars: mass
loss
3.2 Introduction
According Meynet & Maeder (2003), very slow surface rotation velocities are expected
for ail Galactic Wolf-Rayet (WR) stars. However, up to date, no reliable direct observations
of WR rotation rates bave been obtained. In fact, since the spectrum of WR stars originates
exclusively in their hot and dense stellar wind, the surface cannot be seen and no “classical”
photospheric une can be observed. This renders the direct determination of rotational velocity
of WR stars using photospheric unes impossible.
Nevertheless, it is possible to deduce the rotation period of WR stars presenting periodic
wind variability. Indeed, this has been done for WR 6, which has a photometric period of 3.76
days (Firmani et al. 1980) also present in the une-profile variability (Morel et al. 1997) and
for WR 134, which has a photometric period of 2.25 days that also corresponds to the period
of the une-profile variability (Morel et al. 1999). This variability is due to the presence in the
WR wind of Co-rotating Interaction Regions (CIRs) gerierated by perturbations at the base
of the wind which propagate througli it and are carried around by rotation.
So far, only two WR stars are known to be CIR-type variables. In order to identify more
of these, St-Louis et al. (2007) (hereafter referred to as Paper I) carried out a survey of
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25 northern, Galactic WR stars which are thought to be single and brighter than y 12.5.
For each of these stars, the authors obtained 4-5 spectra well spaced-out in time. To search
for significant une-profile variability of the targets, they calculated the Temporal Variance
Spectrum (TVS) of each dataset using the formalism of Fullerton et al. (1996) and obtained
/ (TVS)
.(99%)
= if 2 2 (99C) where cj is the reciprocal of the rms of the noise level in theO(N—1 ‘°
continuum in a timeseries of N spectra. The value of E (99%) quantifies the level of variability
at each wavelength: a spectrum that reaches a level of 1 is variable at a 1 u level, if it reaches
3 it is variable at a 3 u level, etc. The spectrum of a given star is considered significantIy
variable at a given wavelength j if the value of E(99%) is greater than 1. When a une is
identified as significantly variable, it is possible to calculate the amplitude of its variability
relative to its intensity. To do so, the authors of Paper I calculated for each waveiength j
a modified TVS2 as defined in Chené et al. (2007) (i.e. the chapter 5 of this thesis) and
divided it by the une flux (j
— 1), where .5j is the weighted mean flux at wavelength j. This
ratio is named the u-spectrum. One should note that the calculation of u does not take into
account instrumental variations due to the noise level. Thus, when the variation level of a
given une is too close to the noise, which is the case for weaker lines, u artificially takes high
values. That is why we manrially fixed u=0 wheii the variabiuity at a given wavelength j is not
clearly significant according to the value of E(99%) nor when the une has a relative intensity
lower than 1.2, which is the intensity limit of a spectral une from which we can investigate
the variability. Using the E(99%) spectrum and the u-spectrum, three main categories were
defined in Paper I: non-variables (NV
- E(99%) spectrum 1), small-scale variable (55V - u
< 5 ¾) and large-scale variable (LSV - u > 5%).
In this paper, we complete the survey initiated in Paper I. The variability of 43 southern
WR stars brighter than u —43.5 and believed to be single will be discussed. However, some
stars have been excluded from our list, i.e. WR 25 for which an orbital period lias been
recently identified (Gamen et al. 2006), WR 46 for which a strong variability has already
been described (Veen et al. 2002) and ail WN8 stars, because stars of this spectral type often
present high levels of intrinsic variability (Marchenko et al. 1998; Antokhin et al. 1995). We
also excluded WR 94 which turned out to be a visual binary, as well as WR 7 and WR 60, for
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which we unfortunately did not get enough spectra to investigate their variability. Our targets
are listed in Table 3.1 where the stars’s name, spectral type, RA, DEC and u are provided.
The last column indicates the star’s variability status (see below).
3.3 Observations
We carried out spectroscopic observations using the 1.5m-telescope of the Cerro Tololo
Inter-American Observatory (CTIO) during 14 nights between June 28 and July 12 2004.
Using the long-sut spectrograph, we obtained 4—5 spectra per target with a typical signal
to-noise ratio of 100 over a spectral range of 5200-6000 À and with a resolution of 2.3 À
(3pix.).
The data reduction was performed using the standard IRAF software packages. Since no
standard star vas observed, we rectified the continuum by fitting a Legendre polynomial of
order 5 through selected wavelength regions that avoid strong emission unes.
3.3.1 Choice of unes
In WN spectra, there are two relatively strong isolated unes which are interesting to look
at, i.e. He;LX5411, often among the strongest emission unes in the optical band, and HeI)5876,
a flat-topped une slightly perturbed by two NaD interstellar unes. These two emission unes
of different species do not have the same shape, which indicates that they are formed in
different velocity regimes of the wind, i.e. at different radii. Moreover, they are observable
simultaneously in a single spectrum spanning a spectral range of 800 À, which is the spectral
range available at CTIO. For WC spectra, we chose Cni)5696, a flat-topped une particularly
sensitive to density variations, and CivÀ58l2, a strong une that can unfortunately be blended
in some cases with several other unes. For WN/WC stars, we looked at the HeIÀ541Y and
CivÀ58l2 unes. Ah these unes are located in the 5200 and 6000 À spectral range.
Note that these unes are different from those selected in Paper 1. Indeed, for WN stars,
the variability search was made using the HeiiM6S6 and HeIiÀ486O unes and for WC stars,
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is also true for the unes we have chosen in this study, we re-observed four targets already
presented in Paper I. In Figure 3.1, we present in the upper panel, the montage ofspectra of
WR 158 (WN7h) and WR 115 (WN6) obtained using the OSIS spectrograph at the Canada
France-Hawaii telescope (CFHT) during 6 nights in August 2003 = 1.5 À (3 pix.), À\ =
4400-6100 À, S/N =150). Using the u-spectrum shown in the middle panel of Figure 3.1 and
the same criteria established in Paper I, we find that, as in Paper I, WR 158 is designated
as SSV, and WR 115 is designated as LSV. This is also the case for WC stars, as shown in
Figure 3.2, where we present the montage ofspectra ofWR 111 (WC5) and WR 106 (WC9d)
obtained with the long-sut spectrograph at the Observatoire du mont Mégantic (OMM) in
2005 and 2006 (À = 1.6 À (3 pix.), ).\ = 4500-6100 À, S/N =100). Indeed, this figure shows
that, as in Paper I, WR 111 is designated as NV and WR 106 is designated as LSV. Moreover,
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FIG. 3.1
— a) top: Montage of HenÀ54l2 (left) and HeiÀ5876 (right) une-profiles for WR 158(WNTh). Superposed on individual spectra, we plot in dashed unes the mean spectrum. Thevertical une in the right-hand corner has one unit in lenght in relative intensity. HJD
-HJD(2000) is indicated in the y-axis. rniddte: u-spectrum. bottom: (99%) spectrum. b)The same as a) for WR 115 (WN6).
































Figures 3.3 to 3.22 present montages of the spectra of ail our targets. The graphs are
organized by spectral type starting with WN stars from early to late types (Figures 3.3 to
3.13) followed by WN/WC stars (Figures 3.14 and 3.15) and finally WC stars from early to
late types (Figures 3.16 to 3.22). In each of these figures, the u-spectrum and the E (99%)
spectrum are presented in the middle and the bottom panels respectively. In the following

























FIG. 3.2 — Same as Figure 3.1 fora) WR 111
(left) and Ciii)5812 (right) une-profiles.
3.4 Variability Search
(WC5) and b) WR 106 (WC9d) for the CmÀ5696
—1500 0 1500
velocty (ko s’)
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TAB. 3.1 — Our Sample of Single WR Stars in the Southern Hemisphere
Name Spectral Typea RA (2000) DEC (2000) y Variability
WR7a WN4/WC 07 20 22.38 -23 43 57.6 (12.5) NV
WR8 WN7/WCE+? 07 44 58.22 -31 54 29.6 10.48 LSV
WR1O WN5ha 07 59 46.25 -28 44 03.1 11.08 NV
WR14 WC7+? 08 54 59.17 -47 35 32.7 9.42 SSV
WR15 WC6 09 13 11.77 -50 06 25.6 11.72 NV
WR17 WC5 10 10 31.92 -60 38 42.4 11.03 55V
WR18 WN4 10 17 02.28 -57 54 46.9 11.11 NV
WR21 WN5+04-6 10 26 31.42 -58 38 26.2 9.76 LSV
WR21a WN6+O/a 10 25 56.49 -57 48 44.4 12.80 NV
WR23 WC6 10 41 38.33 -58 46 18.8 9.67 55V
WR24 WN6ha 10 43 52.27 -60 07 04.0 6.49 NV
WR28 WN6(h)+OB? 10 48 58.68 -59 03 37.5 12.98 SSV
WR33 WC5 11 00 00.72 -57 48 59.5 12.35 NV
WR44 WN4+OB? 11 16 57.86 -59 26 24.0 12.96 LSV
WR5O WC7+OB 13 18 01.07 -62 26 04.5 12.49 SSV
WR52 WC4 13 18 28.00 -58 08 13.6 9.86 NV
WR53 WC8d 13 30 53.26 -62 04 51.8 10.88 SSV
WR54 WN5 13 32 43.79 -65 01 27.9 12.99 SSV
WR55 WN7 13 33 30.13 -62 19 01.2 10.87 LSV
WR57 WC8 13 43 16.37 -67 24 04.9 10.02 SSV
WR58 WN4/WCE 13 49 04.52 -65 41 56.0 13.05 LSV
WR61 WN5 14 13 03.53 -65 26 52.7 12.41 LSV
WR63 WN7+OB 14 50 58.31 -59 51 26.7 12.83 LSV
WR67 WN6+O3? 15 15 32.61 -59 02 30.8 12.12 SSV
WR71 WN6+OB? 16 03 49.35 -62 41 35.8 10.23 SSV
WR75 WN6 16 24 26.23 -51 32 06.1 11.23 SSV
WR77 WC8+OB 16 41 19.12 -48 01 59.6 13.00 SSV
WR78 WN7h 16 52 19.25 -41 51 16.2 6.61 55V
WR79a WN9ha 16 54 58.51 -41 09 03.1 5.29 SSV
WR795 WN9ha 16 55 06.45 -44 59 21.4 8.32 NV
WR81 WC9 17 02 40.39 -45 59 15.5 12.71 55V
WR82 WN7(h) 17 04 04.61 -45 12 15.0 12.41 SSV
WR83 WN5 17 10 54.50 -46 36 18.0 12.79 SSV
WR85 WN6h+OB? 17 14 27.13 -39 45 47.0 10.60 SSV
WR87 WN7h+OB 17 18 52.89 -38 50 04.5 12.59 $5V
WR88 WC9 17 18 49.50 -33 57 39.8 13.25 LSV
WR9O WC7 17 19 29.90 -45 38 23.8 7.45 SSV
WR92 WC9 17 25 23.15 -43 29 31.9 10.43 LSV
WR100 WN7 17 42 09.77 -32 33 24.7 13.44 LSV
WR1O3 WC9d+? 18 01 43.14 -32 42 55.2 8.86 SSV
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FIG. 3.5
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Fia. 3.7 — Same as Fig.3.1 for a) WR
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FIG. 3.8
— Same as Fig.3.1 for a) WR 67 (WN6+OB’?) and b) WR 71 (WN6+03?)
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FIG. 3.9
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FIG. 3.11 — Same as Fig.3.1 for a) WR 78 (WNTh) and b) WR 82 (WN7(h))
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FIG. 3.12
— Same as Fig.3.1 for a) WR 87 (WN7h+OB?) and b) WR 100 (WN7)
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FIG. 3.13
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FIG. 3.14
— Sarne as Figure 3.1 for a) WR fa (WN4/WC) and b) WR 8 (WN7/WCE+?) for
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FIG. 3.15 — a) Same as Figure 3.14 for the star WR 58 (WN4/WCE). b) Same as Figure 3.2
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FIG. 3.18 — Same as Fig.3.2 for a) WR 14 (WC7+?) and b) WR 50 (WCZ+03?)
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Fia. 3.20
— Same as Fig.3.2 for a) WR 57 (WC$) and b) WR 77 (WC8+OB?)
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FIG. 3.21
— Same as Fig.3.2 for a)
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FIG. 3.22
— Same as Fig.3.2 for a) WR 92 (WC9) and b) WR 103 (WC9U)
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3.4.1 WN stars
A total of 5 WN stars are not found to be variable (NV). In the case of WR 10, WR 21a,
WR 24 and WR 79b it is simpÏy because the emission unes that are present in the selected
wavelength range are too weak (or simply absent) and no variabulity can be detected with the
data quality in hand. However, in the case of WR 18, even if the Heu)5412 une is quite strong,
there is ciearly no significant variability detected, apart from a few peaks in the -spectrum
which barely exceed 1.
Ail other WN stars are variable at either large or smali scale. Interestingly, most of these
stars, if not ail, show significant variability in the absorption component of the HeIÀ5876
P Cygni profile. Moreover, the deeper the absorption, the higher the level of the 1-spectrum.
In fact, this feature is the only variable one for WR 28 and WR 79a, which aHows us to classify
them as SSV; no significant variabiiity is detected elsewhere in the spectrum. Unfortunately,
due to blending witli the emission component and with the CivÀ58l2 line, it is not possible
to determine the exact depth of the absorption, and no relevant value of u cari be computed.
Therefore u=0 bas been imposed at ail wavelengths j corresponding to an absorption in the
mean profile. Note that WR 18 and WR 79b, both ciassifled NV, do not show a clear P Cygni
absorption in the Hei une. This is probably due to strong biending with the CivÀ58l2 une
in the case of WR 18. The presence of stronger variability in the absorption components of
P Cygni profiles lias already been described in Paper I.
In addition to WR 28 and WR 79a, 9 other WN stars are classified as $SV. For WR 54,
WR 67, WR 71, WR 75, WR 82, WR 83 and WR 85, variability has been detected at a level of
3—5 % of the line flux. The nature of the variability observed in these stars is similar to what
was described in Paper I in the case of SSV stars. These changes are associated to dumping in
the WR wind, as observed by Moffat et al. (1988) and Lépine et al. (1996). The nature of the
changes is less clear for WR 78 and WR 87. Indeed, in those cases, the (99%)-spectrum shows
only a few peaks which are flot very significant and tlie u-spectrum lias different amplitudes
in the Hel and Hef I lines. This is due to the low intensity of the emission unes that do not
exceed 1.3 times the continuum. In the case of such a low-intensity line and with variability
that typically lias an amplitude of oniy 2—3 % of the line intensity, the noise level constitutes
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a non-negligible fraction of the u-spectrum. Consequently, u reaches artificially high values.
Note that for WR 71 and WR 75 the value of u reaches an amplitude of ‘—5 ¾ of the une
intensity which we adopted as the approximate limit between a $SV and a L$V classification.
In this case, we decided to classify them SSV since the variability pattern is similar to what
is observed for WR11O, designated as SSV in Paper I.
When the une intensity is sufficiently high, large-scale variability is observed, such as for
WR 21, WR 44, WR 55, WR 61, WR 63 and WR 100. It is flot clear in the case of WR 21 if
the phenomenon responsible for the variability is of CIR type. Indeed, this star is classified as
WN5+04—6, indicating a possible binary status. The line-profile variability we detect seems to
be due to a low amplitude radial velocity variation within the time range of the observations.
Moreover, its u value seems boosted by the low intensity of the Heu une. However, in the case
of the 5 other WN stars, we see highly significant variability that reaches ‘-10 ¾ of the line
intensity with a pattern that resembles the variability described in Paper I for WR 134, the
well-known CIR-type variable (Morel et al. 1999).
3.4.2 WN/WC stars
In our sample, only three stars have a hybrid WN/WC spectral type. WR Ta, is classified as
NV because no significant variability is seen in the (99¾)-spectrum calculated for moderately
intense unes. WR 8 and WR 58 are classified LSV. Interestingly, the spectral lines of WR 58
have a globally variable intensity. This is probably due to variability in the continuum which
translates as a variable dilution level of the spectral unes, since we have normalized the
continuum to one. Both WR $ and WR 58 present a large-scale variability pattern similar to
what is expected for CIR-type variables.
3.4.3 WC stars
For WR 15, WR 33 and WR 52, no significant variability is observed, even in very strong
unes, and therefore, we classify them as NV. As for WR 14, WR 17, WR 23, WR 50, WR 53,
WR 57, WR 77 and WR 90. the variability detected reaches a level of u=1—4 ¾ of the line
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intensity. We classify them as SSV. Note that the high value of u in the Ciii une of WR 17 is
disregarded in view of the low intensity of the lime (see above).
The only L$V are the four WC9 stars ofour sample. Indeed, they reach alevel ofvariability
of more than 5 ¾ of the lime intensity. However, as described in Paper I, WC9 stars are possible
dust producers aithough in this case they have not yet been identified as such. Since a clear
mechanism is mot yet known in single stars, there remains the possibility that they are in
fact ail binaries in which case the changes may be related to wind-wind collisions rather than
CIR-type variability. This remains to be checked.
3.5 Conclusion
This study completes the systematic search for large-scale spectroscopic variability among
the brightest, presumably single, Calatic WR stars. In this section, we present a global sum
mary of oui resuits combined with those obtained for the northern sample in Paper I.
Among WNE stars (including WN6 stars without hydrogen), 4 are classified NV, 9 SSV
and 6 LSV. Among WNL stars (including WN6 stars with hydrogeri), 2 are NV, 10 SSV and
7 LSV. Interestingly, ail the WN7 stars without hydrogen present in our sample are, with the
WN8 stars, the only WNL stars classified as LSV. Due to the proximity of the two spectral
types, it remains to be seen if the variability observed in WN7 stars is similar to the variability
observed in WN8 stars and possibly related to pulsations. Only a better monitoring of these
stars with a more intensive temporal sampling than what we have obtained for this study can
provide more dues towards answering this question.
Among WC stars, the orily stars that are classifled LSV are of the WC9 spectral type.
The only WC9 star which is not a LSV is WR 103, which we classified as SSV and for which
the u-spectrum barely reaches the level of 5 ¾. Ail other WC stars are NV (7 WCE) or 88V
(3 WCE and 7 WCL).
Finally, two WN/WC stars, WR 8 (WN7/WCE) and WR 58 (WN4/WCE), are LSV. In
addition to its lime-profile variability, WR 58 shows a variable dilution in the spectral lines
most likely due to variability in the continuum. The only other WN/WC star in our sample,
WRZa (WN4/WC), is classified NV.
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We would like to emphasize one more time that stars that we have classified as NV are flot
necessarily constant; it is just that no variability lias been detected in spectra with a given
noise level. A more stringent limit for the level of variability can be established for some of
them. For example, in the case of WR 2, we have 5 spectra with a typical SNR = 120 and,
therefore, an upper limit for the variability level of 1,6 ¾ of the une intensity could be set
at a level of 1 u in the HeIL\4686 une. Moreover, since one spectrum has been taken with
an exposnre time of 30 mins and since our timeseries spans over 94 days, we cannot
detect variability in WR 2 if it has a timescale a lot shorter than 30 mins or greater than
94 days. This estabiishes the limit of detectability of variability in the case of WR 2. The
same resuits for ail the NV stars are presented in Table 3.2, except for WR 21a which does
not show emission unes at ail.
TAn. 3.2
— Upper limits for the level of variability in NV starsName spectral une maximum relative minimum maximum
amplitude timescale timescaleWR2 HeiiÀ4686 1.6 ¾ 30 mins 96 daysWR4 Cii;À5696 3.3 ¾ 30 mins 120 daysWR5 CniÀ5696 3.3 ¾ 30 mins 92 daysWR1O HeIL)5412 4.1 ¾ 30 mins 5 daysWR15 Crn)5696 1.6 ¾ 30 mins 9 daysWR18 HeII)5412 1.6 ¾ 30 mins 40 daysWR33 CniÀ5696 5.4 ¾ 30 mins 4 daysWR52 Ciii)5696 5.3 ¾ 30 mins 96 daysWR111 CIIL\5696 1.5 ¾ 10 mins 30 daysWR154 CiiiÀ5696 3.3 ¾ 30 mins 1 year
From ail LSV stars, we have established a list of promising new CIR-type variable candi
dates. 0f course, from this iist, we removed ail the WN8 and WC9 stars, silice it is possible
that they are highly variable for other reasons than CIRs. Therefore, the 10 remaining can
didates are WR 1 (WN4), WR 8 (WN7/WCE), WR 44 (WN4), WR 55 (WNZ), WR 58
(WN4/WCE), WR 61 (WN5), WR 63 (WN7), WR 100 (WNZ), WR 115 (WN6) and WR 120
(WN7). The next step is to determine wliether ail these stars realiy show CIRs. To do this, we
have initiated more intensive monitoring of our candidates in photometry and in spectroscopy
on different timescaies ranging from 10 mins to several days over a long period of time in order
to search for periods in the large-scaie spectral variations. To date, we have obtained several
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nights on different telescopes to monitor WR 1, WR 115 and WR 120. Also, we must keep
in mmd that, even if we classify them as SSV, WR 71 (WN6), WR 75 (WN6) and WR 110
(WN5-6) also show interesting variability patterns, and they have to be considered as second
priority targets.
None of the WCE stars in our sample show large-scale spectral variability. Therefore, the
determination of rotation periods from CIRs seems to be impossible for this type of star.
This is unfortunate, since WCE stars are thought to be possible progenitors of the long-soft
Gamma-Ray Bursts. Even if CIRs are present in all WR winds, it is possible that they are
not visible in all emission unes. For example, they may remain confined to regions close to
the surface of the star in which case they may not be present in une-formation regions very
far from the base of the wind, which is the case for the flat-topped Cin.\5696 line. This might
explain why we have not detected any CIR-type variables among WCE stars.
We wish to thank the National Sciences and Engineering Research Council (NSERC) of
Canada for financial support.
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4.1 ABSTRACT
We present the resuits of an intensive photometric and spectroscopie monitoring campaign
of the WN4 Wolf-Rayet (WR) star WR 1=HD 4004. Our broadband V photometry covering
a timespan of 91 days shows variability with a period of P=16.89 days. The light-curve is
non-sinusoidal with hints of a graduai change in its shape. The spectroscopy shows large-scale
une-profile variability which can be interpreted as excess emission peaks moving from one side
of the profile to the other on a timescale of several days. These structures can be followed over
several cycles which indicates that their coherence timescale is at least 60 days. We suggest
that the variability is due to the presence in the wind of the WR star of large-scale structures,
most likely Co-rotating Interaction Regions (CIRs), which are predicted to arise in inherently
unstable radiatively driven winds when they are perturbed at their base.
Sibject headings: stars: Wolf-Rayet stars: variables




The winds of Wolf-Rayet (WR) stars are weli-knowix to be non-uniform on small physi
cal scales. Because of the inherently unstable nature of radiatively-driven hot stellar winds
(Owocki, Castor S Rybicki 1988), instabilities appear stochasticalÏy, propagate in the wind
and disappear after several hours (e.g. Moffat et al. 1988). This clumpiriess leads to emission
unes which are variable at a level of up to 5 % of the hue flux. These changes are, of course,
random and no periodicity is expected.
In certain cases, WR stars also display large-scale une-profile variabilities (lpv). However,
these variabilities are periodic or quasi-periodic and originate from different phenomena. In
deed, known massive WR+O binaries produce clear periodic radial-velocity (RV) variations
from the movement of the stars on their orbit. Furthermore, it lias been realized in the past
two decades that in sucli systems the winds from the stars collide, forming a shock cone that
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wraps around the star with the smaller momentum flux (generally the O star). This interaction
induces variations in the une profites that are also periodic.
In addition to the above-mentioned types of variability, large-scale lpv have been found in
WR stars that are not known to be binaries. The two most studied cases, WR 6 and WR 134,
have been monitored intensively in photometry and spectroscopy by Morel et aL (1997, 1998,
1999a). In both cases, these authors have found the large-scale Ïpv to be periodic and a complex
light-curve has been observed with the same period. This behaviour is most likely explained
by the presence of large-scale density structures in the wind, such as co-rotating interaction
regions (CIR) (Cranmer S Owocki 1996; Fullerton et al. 1997), but the possibility of the
presence of a compact companion or of a low-rnass main-sequence star canuot be completely
excluded.
If the large-scale lpv and the photometric variability of single WR stars can be associated
with CIRs, it would imply that the period of these variabilities corresponds directly to the
rotationai period of the star. By assuming a steilar radius, we can then determine the rotational
velocity at the point of origin of the CIR, most likely the photosphere of the star. Adopting
a radius of 3 R0 for both stars (Hamann et al. 1988, 1995), we get an equatorial rotation
speed of’— 40km s1 for WR 6 (St-Louis et ai. 1995, P=3.76 ± 0.002 days) and of’— 60 km s1
for WR 134 (McCandliss et al. 1994, P=2.25 ± 0.04 days). Following in this same direction,
the rotation rate of at least some WR stars can in principle be determined by carrying out a
systematic investigation of the variability of ail single WR stars. As a flrst step, St-Louis et ai.
(2007) and Chené S St-Louis (2007) conducted a survey of ail apparently single Galactic WR
stars brighter than y 13th magnitude in the northern and southern hemispheres, respectively.
For each star in their sample, they have obtained 4-5 spectra which allowed them to establish
a list of WR stars showing large-scale lpv. The next step is to observe intensively each of the
candidates in order to verify and determine the periodicity.
In the above-mentioned survey, WR 1 was one of the most striking cases of large-scale Ipv
and, consequently, the first WR star on which we concentrated our efforts. Several previous
studies claiming unreproducible periods for the variability of this star have been summarized
in Morel et al. (1999b). More recent papers by Niedzieiski (2000a,b) demonstrated that the
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spectrum of WR 1 varied greatly from night-to-night, but that une-profile changes dtiring the
night are noticeable, but slow. Moreover, the search for periods smaller than 2 days failed and
only indications of a long-term variability could be suggested. The investigation of photometric
variability over more than 17 days carried out by Morel et al. (1999b) did not lead to the
identification of any period. Consequently, the period search must be done using data taken
over a time range at least two times longer. Very recently, Flores et al. (2007) claimed a
period of P=7.684 days in lpv of this star which they attribute to the ejecta of streams or jets
from the stellar surface.
In this paper, we present the resuits of an intensive monitoring campaign of WR 1 ex
tending over several weeks in photometry and spectroscopy with the aim of determining the
nature of the variability and, eventually, the period of rotation of WR 1. In Section 4.3, we
present oui’ photometric and spectroscopic observations and the data reduction procedures. In
Section 4.4 we describe oui’ results and in Section 4.5 we discuss the possible interpretations.
Finally, our conclusions are presented in Section 4.6.
4.3 Observations
4.3.1. Photometry
We monitored WR 1 in broadbarid V using CCD-imagery at the 081m Tenagra Observa-
tory ltd. from 20 November 2003 to 18 February 2004. During this period covering 91 nights,
three frarnes were obtained at the same time every clear rnght with an exposure time of 60s.
Three additional frames with a 45s integration time were obtained at an airmass of ‘.1.45
during the flrst 43 nights and three others with a 30s integration time at an airmass of ‘1.65
during the first 11 nights. Six frames in broadband B were also obtained in order to correct
for the differential refraction of the atrnosphere. Due to problems with the detector, 33 frames
were unusable and 87 measurements were rejected due to bad seeing and/or low transparency
of the sky, giving finally, a total of 231 usable frames.
Ail images were uniformly reduced using standard manipulations carried out with routines
written in Interactive Data Language (IDL). After the bias, dark and flat-fieid treatments, we
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performed aperture photometry using the APER Astroiib routine in IDL on ail stars present
in the field of WR 1. The size of the aperture that was adopted was twice the FWHM of the
point spread function (PSF) and an annulus of sky was selected with a size between 4 and $
tïmes the FWHM of the PSF.
Once the photometry was obtained for ail franies, we apphed a correction for the differential
refraction of the atmosphere. To do so, we need to know how the flux of a star varies according
to its spectrum, and depending on the airmass at the moment of the observation. A relative
(3
— V) color vas obtained by subtracting the average fluxes measured in the B and V-band
frames observed at the same airmass. Then, we obtained the siope M of the variability of the
flux as a function of airrnass for each star during the best clear nights. A certain number of
stars can present intrinsic flux variations within a single night, but we can assume that it is
not the case for the majority of them. Using a robust least absoiute deviation method, we
fitted M(B’) and obtained a linear expression for the correction that needs to be applied to
the flux as a function of airmass. The final corrections are contained in a range of 0.1 to 1 ¾.
The final light-curves were obtained from the subtraction of the magnitude of WR 1
and the magnitude of two comparison stars (see f ig. 4.1). Since no star with a magnitude
comparable to WR 1 was avaiiable in the field of view, we decided to average the brightest
stars showing a light-curve with a small deviation. Ten stars were selected and divided in two
groups to create two comparison stars of comparable magnitudes. The precision of the final
hght-curve of WR 1 is u=rO.0124 mag.
4.3.2 Spectroscopy
We collected a total of 326 spectra of WR 1 during five dedicated runs between 2003 Juiy
and 2004 October with the 152m telescope of the Obervatoire de Haute-Provence (OHP),
the 3.6m Canada-France-Hawaii Telescope (CFHT), the 16m telescope of the Observatoire
du mont Mégantic (OMM) and the 185m telescope of the Dominion Astronomical Observa-
tory (DAO). The details of these observing runs are summarized in Table 4.1. We list the
run number, the telescope used, the dates of the observations, the wavelength coverage, the
resolution, the number of spectra obtained and the average signai-to-noise ratio (SNR).
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The bias subtraction, flat-fielding, extraction, sky subtraction and wavelength calibration
of ail spectra were executed in the usual way using the IRAF’ software. Calibration-iamp
spectra were taken every 30-40 mins depending on the run. The spectra were normahzed
by taking the ratio of each spectrum with a Legendre Polynomial of 5thi order, fitted to the
pseudo-continnum regions, i.e. smali regions where large emission-lines do not dominate. These
regions are dehrnited by 4375.0
— 4386.0 À, 4802.0
— 4815.0 À, 5144.0
— 5150.0 À, 5245.5
—
5260.0 À, 5349.0
- 5356.0 À, 5533.0 5545.5 À, 5719.0
- 5734.0 À, 5931.0




— Spectroscopic observing campaignsRuii # Telescope Dates ) Coverage z2\ No. of sp. SNR
(UT) À (3 pix.)
1 OHP 152m 2003/07/07-14 5230-6150 1.4 À 30 1352 CFHT 2003/08/08-13 4280-6040 1.5 À 33 1853 OMM 2003/08/22-24 4310-6440 1.6 À 9 1304 OMM 2004/08/21
— 4310-6440 1.6 À 170 145
2004/09/06
5 DAO 1.85m 2004/09/18




The hght-curve of WR 1 is plotted as a function of the Heliocentric Julian Date (HJD) in
f ig. 4.1. The flux from the star aiternatively increases and decreases with an amplitude that
varies between V=0.06-0.12 mag within 5-7 days (o(cl
— c2) 0012 rnag), suggesting that
the changes are periodic with a period of at least 5 days. The variability within a single niglit
is small and typicaily reaches an amplitude not higher than 2a. Siuce oniy slow variability is
observed in photometry and spectroscopy within a single night (Morel et al. 1999b; Nieclzielski
2000a), we binned the data taken during a niglit to increase the SNR.
We performed a period search tising two independent methods. The first is a phase
















Fio. 4.1 Light-curve of WR 1. The top and middte panels show the difference between the
magnitude of WR 1 and that of the “artificial” comparison stars cl and c2 respectively as afunction of time. Both cl and c2 were constructed from the average of five bright stars. Thebot tom panel shows the difference between the magnitude of cl and c2 as a function of time.A vertical line in the top ieft corner of each panel indicates the size of a 1 u error bar.
dispersion minimization (PDM) algorithm (Stellingwerf 1978) which consists in folding the
data points in phase using different trial periods and dividing the resulting curves in a pre
determined number of phase bins. Then, for each trial period, we can define (1) s, the variance
of bin j, (2) s2, the variance of all s and (3) e = s2/a2, where g2 is the variance of ail data
points. If a trial period is not present in the data, its s2 ‘ u2, and its e 1. The value of
e will reach a minimum, ideally 0, when a valid period is used. This method is well suited
to cases in which only a small number of observations are available over a limited period of
time, especially if the signal is highly non-sinusoidal, The other method used is the CLEAN
algorithm (Scargle 1982; Roberts et ai. 1987) which lias the advantage of taking into account
the unevenness of the data sampling, since it “cleans” the discrete Fourier spectrum with a
window function.
The total time elapsed between the first and last point of the light-curve is 91 days and,
as mentioned above. we combined the data to obtain one measurement per niglit. There
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fore, the period search was performed over a range of frequency from 1/91 to 0.5 day’
with a step of 0.00111 day’, respecting the Nyquist criterion. The complete 0-spectra for
(WR 1-cl) and (WR 1-c2) are presented in Figs. 4.2a) and b), respectively. In both plots,
only a few minima reaching values below 0.6 are visible at frequencies greater than 0.2 day’.
The most clear sharp minima are present at frequencies smaller than 0.2 day1; i.e. a mi
nimum with a depth around 0=0.4-0.45 at v1,pDpI=O.OSO2±O.OOO6 day’ and two others
at v2,PDM=O.O294±O.0006 and v3,PDlmI=O.ll84±O.0006 day’. The 0-spectrum of (cl-c2),
shown in Fig. 4.2c), is fiat and near 1 for ail frequencies, and particularly at the positions of
the Vn,pDM listed above.
Fig. 4.2d) shows the power spectrum obtained using the CLEAN algorithm. We plot in green
and blue the power spectra obtained from (WR 1-cl) and (WR 1-c2) respectively anci in red
the power spectrum from (cl-c2). Shown in black are the different limits of detection at the
99%. 95% and 90% confidence levels. The only peaks that are present in both the (WR 1-cl)
and (WR l-c2) light-curves and that reach values higher than the quoted thresholds at the
same tirne as being absent in the comparison light-curve (cl-c2) are z.’1,CLE.4N=O.ll9±O.00Z,
v2,CLEAN=O.OSZ±O.00Y and v3CLEAN =0.240±0.007 day’. The two frequencies u1 CLEAN
and V2CLEAN are also present in the 0-spectrum from the PDIvI analysis and may very well
be real.
The two frequencies identified using the two different methods (v=0.057, 0.119 day’) can
be linked by multiplying or dividing one of them by an integer number. It is therefore clear
that only one of them is real and that the other is an harmonic or an alias. According to the
PDM analysis, the frequency with the strongest dip is v1,PDf=O.OS92±O.OOO6 day’ (period
of 16.89±0.175 days), but accordirig to the CLEANed spectrum, it is v1,CLE.4N=O.ll9±O.00Z
day’ (period of 8.40±0.47 days); one is the double of the other. In an attempt to determnine
which of the possible periods of WR 1 is the correct one, we folded the light-curve in phase
using the different frequencies. The frequency that gave the smallest dispersion and the clearest
curve is ul,pDM. This result is presented in Fig. 4.3 where each cycle of (WR l-c2) is plotted
with a different symbol. The first cycle is represented by filled circles, the second by stars. the
third by fihled triangles, the fourth by filled squares and the sixth by open diamonds. No data
FIG. 4.2
— Periodograms: a) 0-spectrum obtained from the PDM analysis of the WR 1-cl
curve. The inset shows a zoom of the e-spectrum between O and 0.15 day’ showing more
clearly the 6 detected frequencies. b) same as a) for WR 1-c2.
points were taken during the flfth cycle because of trouble with the detector (see §4.3.1). The
folded light-curve shows basically three burnps; one broad and small centered at —M.6 and
two stronger ones spaced doser in phase at 0.95 and 0.15. The interesting thing with the
sixth cycle, covered only partially during the last 11 days, is the disappearance of the second
bump near phase 0.95. Indeed, the third bump seems significantly higher than during the
previous cycles and starts from a lower level, but the star seems to have skipped the previous
increase and decrease in flux, as if the two nearby peaks have merged. This cfearly shows
that the light-curve of WR 1 is epoch-dependent and that a period can only be found when
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FIG. 4.2 (continued) c) same as a) for cl-c2. d) CLEANed power spectrum of WR 1-cl
(green), WR l-c2 (blue) and cl-c2 (red). Three levels of confidence at 99%, 95% and 90% are
plotted in black.
the observations are taken consecutively, during a period of time during which the region
of emission of the continuum flux does not change its physical conditions. This means that
no data taken after a certain time of coherence can be added to the seqiience in order for a
period search to be successful. Indeed, even if the period remains the same, the amplitude
and the shape of the light-curve will change. We cannot determine with accuracy the time of
coherence for WR 1, but according to our data, it seems to be at least 4 cycles, i.e. 60 days.
A light-curve was obtained hy Morel et al. (1999h). During their observations extending over
a period of 16 days, the authors found only one bump lasting 5-days in widh, followed by
a period of 11 days during which the curve was fiat. This strongly supports our choice of
c) cl
— c2
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adopting a period of P=16.89 days rather than a shorter one (P=8.4 days). Note also that
the single burnp observed by Morel et al. (1999b) is similar in height and width to the burnp






FIG. 4.3 — Light-curve of WR 1 folded in phase. Phase O is arbitrary.
If the period of 16.89+0.175 days is the real one, why did the CLEAN analysis yield a
period with haif this value? The answer may reside in the way the algorithm works. Indeed,
the discrete Fourier analysis looks for a sinusoidal signal and the light-curve of WR 1 we
observed can be interpreted as two nearly similar sinusoidal curves per cycle. This is the
reason the CLEANed spectrum has more power in the peak at v1,pDAI/2. However, when this
frequency is used to fold the light-curve in phase, the smaller bump is superposed on the bigger
011e, and a large dispersion around the curve is found. This larger dispersion explains why
the PDM analysis considered the u1,pDM/2 result of lower interest. from this and taking into
account the data of Morel et al. (1999b) we conclude that the most probable interpretation
is that the period of 16.89+0.175 days, obtained using both methods, is the real period and
ah the other detections are simple aliases.
4.4.2 Spectroscopy
The photometry discussed in the previous section helps us understand the variability of
the continuum of the star since for this star only 10% of the flux in broadband V cornes
from emission unes. This continuum originates in deep regions of the stehlar wind. In order
to probe the wind at different radii, we must study spectral variabihity, because the different
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WR emission-lines are formed in regions of different velocity regimes (i.e. different radii),
depending on the ionisation potential of the given elements (e.g. Schulte-Ladbeck, Eenens &
Davis 1995). From spectral variability, we can search for dues as to the origin of the period
found in photometry.
In Fig. 4.4a, we display the variability of the HeIiÀ54ll une observed during the four
longest individuai nights of our run 4. This type of variability is typical and lias aiready
been reported on by Niedzielski (2000a) for WR 1. The changes are more interesting when
displayed in the form of a grayscale plot covering a time period of more than a week, as
shown in Fig. 4.4b, where we plot the complete dataset of our runs 4 and 5. for dlarity, the
spectra obtained during each night have been repeated to fili the space in the grayscale plot
corresponding to the day light, when no observation was possible, and no free space has been
left between two consecutive nights. This way, it is easier to see the structures moving on a
timescale of several days.
We first investigate the variability of the RV of spectral lines as well as the changes in the
global une profile by measuring the equivalent width (EW) and the skewness of the HeIi)5411
une which is strong and isolated and is common to ail our observing runs. The radial velocities
were obtained by cross correlating the spectra in the wavelength interval L=514O-598O Â
with the mean spectra. The RVs of the different campaigns were obtained separately. We
corrected the systematic shifts between runs by cross-correlating the mean spectra of the
runs. The EWs were calculated by integrating the function (1
— FÀ), where F,\ is the rectifled
lime flux, in the wavelength interval À=5348-546O Â. In order to highuight the variability,
we prefer to use EWs obtained by dividing the EWs by the mean value of ail EWs. The









with Ij being the intensity of the une and .) the wavelength. Ail these quantities are plotted
as a function of time in Fig. 4.5.
The EW of the Heii.)5411 une increased by ‘-.45 ¾ during the first three runs (teft panet)
and by ‘-5 ¾ during the last two (right panel). The RVs show long-term changes with a full
amplitude K—70 km s as weIl as shorter timescale changes which are particularly apparent




— a) Top panel: Grayscale of residuals obtained by subtracting spectra taken during4 nights (HJD-HJD(2000)=1698.7, 1706.7, 1707.7 and 1709.7) from the mean spectrum of ail
nms Bottom panel: Superposition of ail spectra taken during these 4 nights. b) Same as a)for ail the spectra of runs 4 and 5. Note that for clarity, the time corresponding to day lighthas been fiuled by the duplicate of the spectra obtained the previous night.





























— Top panel: EW of the HeIIX5411 une, obtained by integrating the une flux anddividing the resuit by the mean value of ail the EWs. Middte panel: RVs obtained by cross
correlating the spectra between 5140-5980 À. Bottorn panet: Skewness of the Heii)5411 une
calculated as skewness=/t4’2, where is the central moment of order n of the une.
strongly anti-correlated with the RVs. Indeed, these values are anti-correlated with a 90 ¾
confidence level when removing run 5, which seems to have abnormally high dispersion. This
strong anti-correlation indicates that the RV changes that we measure essentially corne from
changes in the degree of asymmetry of the une profile of He;i)5411, which dominate the spec
trum in the wavelength interval in which the cross-correlation was carried out. Consequently,
if WR 1 shows intrinsic RV variability, it must be at a very small level and therefore is difficuit
to detect in view of the fine-profile variability.
A period search was performed on the EWs, RVs and skewness variabiliby, but failed
to identify clearly a period that could be related to the photornetric period discussed in
the previous Section. This is not surprising in view of the poor temporal coverage of our
spectroscopic data on this timescale. In ail cases, the PDM and the CLEAN spectra inclicate
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Moreover, due to epoch-dependency, runs 1, 2 and 3 could not be used simultaneously with
funs 4 and 5 since they are separated by more than a year. Again, our data are not sufficiently
sampled to allow the determination of a period of ‘-17 days, especialiy if the epoch-dependancy
cf the variability causes the pattern of the global une profile to change between observing runs,
which is possible at any time.
Nevertheless, we can verify if the une-profile variability is compatible with the period of
16.89 days present in our photometry. To do this, we dispiay in Fig. 4.6, the residuals obtained
by subtracting the mean spectum of ail runs from the mean spectra of each night cf runs 4
and 5 for the NvÀ4945 and Heii.)5411 unes (note that the NvÀ4945 hue vas not observed
during run 5). The location on the y-axis of the residual spectra is determined by the phase
(P=16,89 days) at which the spectrum was taken. Different coiors are given to residuals from
different cycles, i.e. black for the first cycle, bine for the second, green for the third and red
for the fourth.
Orie can see from Fig. 4.6 that the residuals in nearby phases are not always strictly
identical. However, some features seem to survive for severai cycles. The clearest case is that
of the bump that appears at y ‘-+250 km s at phase =0.40 of the first cycle (HJD
HJD(2000)=1702.54), that moves toward negative velocities during phases qhr0.44-0.61 of the
third cycle (HJD-HJD(2000)=1736.85-1739.83), and continues its blueward motion during
phases çb=0.65-0. 70 of the first cycle (HJD-HJD (2000) = 1706.70-1707.70) before disappearing.
More moving structures can be followed on Fig. 4.6 and are shown by dashed (for bumps)
and dotted unes (for dips).
4.5 Discussion
4.5.1 WR 6 and WR 134
WR 1 shows periodic spectral and photometric variability similar to what was observed
in WR 6 and WR 134 (Morel et al. 1997, 1998, 1999a,b). The origin cf this type of variabi
lity is debated in several papers and the two main interpretations put forward are a binary
system (with a compact or low-rnass companion) and a non-sphericaliy symmetric wind. In
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FIG. 4.6 — Residual of nightly mean spectra of runs 4 and 5 folded with a period of 16.89
days (tefi panel: Nv)4945; right panet: HeIIÀ5411). In black we plot the residuals from the
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what follows, we briefly review conclusions concerning the interpretation of the nature of the
variability of WR 6 arid WR 134 from more recent papers.
If WR 6 and WR 134 are binaries, it is completely excluded that their companion is an OB
star. Indeed, both stars exhibit very small-amplitude RV variations that are dominated by lpv
and are consistent with a constant intrinsic RV. If the companion were to be massive, the tilt
of the orbital plane would have to be very Iow and the star would have to be of abnormally
low luminosity, because otherwise, signs of a massive 03 star would have been detected in
the spectrum, which is not the case.
The presence of a compact companiori, like a neutron star or a black hole, in WR 6 and
WR 134 vas not seen as a viable interpretation by Morel et al. (1997), Skinner et al. (2002)
and Morel et al. (1999a). Indeed, the strong correlation between the lpv of HeH lines with
that of highly ionized unes such as NvÀ4945 (and even in the case of WR6 with continuum
radiation) indicates that the ionizing sheil around the compact companion would have to be
extremely large, but the soft and hard X-ray fluxes detected for these stars are several orders
of magnitude too low in comparison with the predictions (Morel et al. 1997, 1999a, and
references therein).
Therefore the only remaining possibility for the binary scenario is that of a low-mass
companion. Indeed, assuming circular orbits, taking the RV variation amplitudes measured
for WR 6 and WR 134 as the maximum possible value (recall that RV variations are highly
dominated by lpv) and taking into account the period we identifled, the mass of the companion
would have an upper limit of 8 M0 for both cases if the tilt of the orbital plane is higher than
20°. Such a companion would be difficuit to detect due to its low luminosity in comparison with
the lurninosity of the WR star. However, even such a low-mass star might have some eflècts
on the WR wind. Indeed, Skinner et al. (2002) stiggested the possibility that the collision
of the WR wind with the surface of a 1.3 M0 pre-main-sequence star could explain the hard
component of the X-ray emission of WR6. But, can a 10w-mass companion be responsible for
such a complex and epoch-dependent pattern of photometric and spectroscopic variability?
Moreno & Koenigsberger (1999) and Moreno, Koenigsberger & Toledano (2005) have shown
that tidal interactions involving a relatively low-mass companion in a binary system can
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produce very small-scale stirface oscillations leading to Ipv in photospheric absorption features.
However, it is unclea.r how such a process can affect the massive wind of a WR star leading
to large-scale variability of the strong emission unes. It is possible that it could serve as a
seed mechanism for CIRs. However, in such a case, it is likely that the period that would be
detected would be the rotation period of the WR star rather thari the orbital period of the
binary, if not a combination of both.
Therefore, although very unlikely, it is difficuit from the observations to definitively exciude
the possibility that WR 6 and WR 134 are binaries. However, the only viable binary scenario
involves the formation of massive binaries with a high initial-mass ratios (up to 10), which
seems to be extremely unlikely (e.g. Garmany, Conti & Massey 1980; Kobulnicky. Fryer &
Kiminki 2006; Bonnell 2007).
If WR 6 and WR 134 are single stars, the periodic variability very likely originates in an
asymmetry in their wind associated with the stellar rotation. Spectropolarimetric observa
tions of both stars (Schulte-Ladbeck et al. 1991; Robert et al. 1992; Harries et al. 1998)
have shown the presence of a constant component of intrinsic continuum polarization due
to electron scattering, indicating that their winds are not spherically symmetric. Also they
display depolarization in emission lines compared with the continuum, which, once again, is
a sign of the preserice of an asymmetry. Also, the level of polarization increases in emission
lines of increasing degree of ionization of a given species and, finally, the polarimetry in the
continuum and unes is extremely variable and periodic (Drissen et al. 1989). This suggests
that the wind density has a varying asymmetric distribution, such as density structures that
extend rather far in the wind.
Large-scale density structures are very likely in bot, radiative, line-driven stellar winds
(Mullan 1984; Cranmer & Owocki 1996). These structures, called Co-rotating Interaction
Regions (CIRs), are caused by perturbations at the base of the wind, which in turn could
be caused e.g. by a magnetic field or pulsations. These perturbations propagate through the
wind while being carried around by rotation. This generates spiral-like structures in the density
distribution that cari lead to a characteristic, large-scale, periodic variability pattern in WR
wind emission lines extremely similar to what is observed in WR 6 and WR 134 (Dessart
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& Chesneau 2002). Thus, taking into account the photometric and spectroscopic periodic
variability, the spectropolarimetric observations and the X-ray luminosity, we conclude that
CIRs constitute an extremely likely interpretation for both WR6 and WR 134. As for the
epoch-dependency, it can easily be explained by the variable behaviour of perturbations that
generate CIRs together with a finite lifetime of the structures. Indeed, even if the period of
the variability caused by the presence of CIRs is aiways the same, the number and position
of the CIRs may change depending on conditions at the surface. The origine of CIRs is stili
debated and no clear theoritical predictions of the typical lifetirne of a CIR have been made
yet. However, one can speculate that it vilI depend on the lifetime of the perturbation at the
base of the wind and, to a lesser extent, on the flow speed in the wind. Observationaly, it could
be determined from continuous observations during a great number of rotational periods (e.g.
several weeks).
4.5.2 WR 1
There are many similarities between WR 1 and the two previously studied stars, WR 6
and WR 134. First, it displays a periodic, epoch-dependent light-curve. Second, its spectrum
shows large-scale bumps and dips moving from one side to the other of emission unes on
timescale of days; some bumps can be followed over several cycles. Also, the RV amplitude
is very small, consistent with 0, and its soft X-ray luminosity is within the normal range for
single stars (see rvlorel et al. 1999b). However, there are also some differences:
— In both WR 6 and WR 134, there is a strong correlation between the spectral variability
of the Nv)4945 and the Heii)5411 emission unes. This is not so striking for WR 1 (see
f ig. 4.6 and correlation matrices displayed in Fig. 7 of Morel et al. 1999b), although our
coverage for Nv is poor. This lack of correlation may be caused by a combination of a
high noise level in the weak Nv line and/or a possible time delay between the pattern
of variability of the two lines.
— WR 1 does not show a hard X-ray component as does WR6 (Ignace et al. 2003).
Unfortunately, there exists no measurement of the hard X-ray component of WR 134
so far. However, this difference might be insufficient to set apart the two stars, since
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the origin of X-rays in single WR stars is stiil unclear. As mentioned above, Skinner et
al. (2002) proposed that the presence of a 10w-mass star could explain the hard X-ray
component of WR6, but it is possible, for example, that a peculiar magnetic activity
(Townsend et al. 2007, and references therein) or massive shocks in the wind of a single
star can produce hard X-rays as welI.
— Spectropolarimetric observations of WR 1 do not show depolarization in its emission
unes compared to the underlying continuum. The latter, however, shows a significantly
higli level of polarization (Schmidt 1988). A plausible explanation for this is that the
region in which the continuum arises shows a degree of asymmetry as high as that in
which the une arises. Also, the epoch-dependent nature of the changes could mean that
relatively quiet periods can exist. Therefore, more spectropolarimetric observations are
needed to see wether the polarization of the ernission lines of WR 1 vary with time.
4.6 Concluding remarks
In spite of the above-listed small diiferences with WR 6 and WR 134, we believe that the
best scenario to explain the photometric and spectroscopic variability we have detected in
WR 1 is the presence in its wind of large-scale structures, most likely CIRs. Unfortunately,
and in spite of the large number of spectra we obtained, our time coverage in spectroscopy was
insufficient to 5e able to secure a clear phase plot of the spectroscopic variability. To do this,
observations distributed over 2—3 consecutive cycles (30—50 days) are required. Simultaneous
photometry would allow us to check in what manner the changes in the wind are related to
variability deep down doser to the star’s photosphere.
In principle, CIRs do not suifer from diiferential rotation and therefore provide a direct
measurement of the rotation period of the underlying star at the position in which they
originate, most likely close to the stellar radius. Thus, assuming a value for the radius of
WR 1 of 2.2 R0 (Hamann, Grfener & Liermann 2006), we obtain a rotational velocity of
6.5 km s. This is comparable with the values obtained for WR 6 (40 km s—’) and WR 134
(60 km s’) and is in agreement with the very small values predicted for WR stars fom
massive-star evolutionary models at solar metallicity (Meynet & Maeder 2000).
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5.1 ABSTRACT
We used several series of optical spectra covering a total of 60 days in 2003 June-August
to probe the wind variabiiity of the late-type WoIf-Rayet (WR) star WR 123=HD 177230.
Ail lunes of a given species tend to show similar variations and rio significant time delay
between them. We find variability at the 30—50% level in the emission components and 50—
90% level in the absorption components when present of ail unes. The only lasting periodicity
found occurs close to P10 h, similar to that found in photometry from the MOST satellite
for continuum variations. However, non-lasting variations are also seen on timescaies ofseveral
hours to several days.
Our best interpretation is that we are seeing the resuit of pulsations or magnetic spots
rnodulated by rotation and filtered in the wind.
Snbject headings: stars: individual (HD 177230 WR 123)
— stars: spectroscopy — stars:
Woif-Rayet
5.2 Introduction
Wolf-Rayet (WR) stars of the WN8 subclass have been the subject of a great number of
studies motivated by their “enigmatic” behaviour. These descendants of massive and hot 0f
stars are completely distinct from other WR stars. Indeed, no member of this class is known
to have a close massive 0-type companion; they avoid star clusters and associations; their
runaway frequency is relativeiy high; and, in some cases, their distance from the Galactic
Plane is large (Moffat Isserstedt 1980; Moffat 1989; Moffat et al. 1998). In addition,
ail the photometric, polarimetric and spectroscopic monitoring campaigns of WN8 stars have
shown that they are the most intrinsicaHy variable of ail WR stars (e.g.; Moffat & Shara
1986; Lamontagne & Moffat 1987; Drissen et ai. 1987; Robert et al. 1989; Robert 1992;
Antokhin et al. 1995; Marchenko et al. 1998). However, even if various periods based mainly
on photometry have been ciaimed ranging from hours to days, there is rarely one that is
common to ail the campaigns for one given star.
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A special effort has been made for mie of the particularly strongly variable WN8 stars,
WR 123, a star with very littie atmospheric hydrogen. In photometry, numerous different
(multi)periodicities have been suggested for this star, mostly on timescales of days, but due
to insufficient time coverage and to the extreme complexity of its light-curve variations, these
resuits remain ambiguous and often irreproducible (see Marchenko et aI. 1998 for refererices).
In polarimetry, observations show a high level of variability, but no coherent behaviour bas
been seen, probably because of inadequate sampling (St-Louis et al. 1988). A few spectroscopie
monitoring campaigils of WR 123 have already beeri carried out as well (Massey S Conti 1980;
Lamontagne et al. 1983; Marchenko et al. 1998). However, the lack of sufficient spectral
and/or temporal resolution rendered the search for periods that could account for ail the
une-profile or radial velocity (RV) variations impossible.
Given the fact that in the past, frequency analyses based on sparse datasets have yielcled
different and unreliable periods for WR 123, the best way to determine the real behaviour
of the complex variability patterns of the star and to understand their origin is to carry out
intensive campaigns. This has recently been done in photometry by Lefèvre et al. (2005)
who used the MOST (Microvariabitity and Oscillations of STars) satellite to monitor the
star using a visual-broadband filter during 38 days non-stop. The MOST data are dominated
by continuum variability. Using a technique developed by Marchenko & Moffat (1998) called
time-frequency analysis, that searches for temporal changes in the variability power spectrum,
these authors found that periods greater than 1 day were present but neyer for more than a
fraction of the duration of the campaign. In fact, the only period that was found and that
appeared to be relatively stable throughout the whole dataset is ‘- 9.8 hours.
In this paper, we present the most intensive spectroscopie monitoring campaign of WR 123
to date. Whule broadband photometry provides information on the variability mainly of the
continuum corning from the inner wind, spectroscopy allows one to probe the variability of the
outer WR wind, Moreover, since the emission unes are generally formed in different regions,
the profile variations provide information at different radii in the wind.
We present our observations and data reduction procedures in Section 2. In Section 3. we
describe our resuits on the spectroscopie variability, while in Section 4 we report on the period
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search we have performed. Finally, we discuss OIIT findings and their consequences in Section
5.
5.3 Observations and Data Reduction Procedure
Originally, we planned to obtain spectroscopic observations in parallel with and extended
around a MOST run in June/July 2003. Therefore, we carried out spectroscopic observations
of WR 123 during 5 runs ou 4 different telescopes. However, MO$T was delayed and observed
WR 123 oniy in 2004. Yet the spectroscopic data here prove to be very useful becatise of
their extensive nature. A smaller spectroscopic campaing during the 2004 MOST observations
proved to be of critical importance to understand the relative amplitude of variability in the
continuum versus the unes (see Lefèvre et al. 2005).
During two different runs at the New Technoiogy Telescope (NTT), La Silla, i.e. one
half-night in June and S others in July, we used the EMMI spectrograph to obtain spectra
with a signal-to-noise ratio S/N 200 every 5 minutes. During runs at the three other
telescopes, we obtained spectra at intervals of 20 mins to —1 hour. For those, we used the
Aurélie spectrograph at the Observatoire de Haute-Provence (OHP), France for 7 nights in
]uly 2003, the OSIS spectrograph at the Canada-France-Hawaii telescope (CFHT) for 6 nights
in August 2003 and the spectrograph of the Observatoire du mont Mégantic (OMM), Canada
for 1 night in September 2003. The various observing campaigns and associated instrumental
set-ups are summarized in Table 5.1.
The data reduction was performed using standard IRAF’ software packages. Since no stan
dard star was observed simultaneously with WR 123, we simply rectified the continuum, in
order to bring ail the spectra to the same level. To do this, we fitted a Legendre polynomial
of order 5 through selected regions where there are no strong emission-lines.
An additional co-alignment in wavelength was possible using the Na D2 (5889.96 À) and
Na D1 (5895.6 Â) interstellar unes. However, due to the instabihty of the EMMI spectrograpli
and difficulties with the cabbration solution in OSIS-spectra, it was not possible to reach a
1IRAF is distributed by the National Optical Astronomy Observatories (NOAO), which is operated by theAssociation of Universities for Research in Àstronomy, Inc. (AURA) under cooperative agreement with theNational Science Foundation (NSF).
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precision better than 25 km/s for the NTT and CFHT spectra. We return to this point in
Section 5.4.3.
5.4 Resuits
5.4.1. Temporal Variance Spectrum
Before characterizing the spectral variability in detail, we first identify clearly which parts
of the spectrum of WR 123 are actually variable in our dataset. To calculate the statistical
significance of the spectral variability at each wavelength, we adopt the “temporal variance
spectrum” (TV$) analysis method developed by Fullerton et al. (1996).
To calculate the TVS, we first organized the time-series of N individual rectified spectra
in the matrix S(i, j), where the element S is the th wavelength of the jth spectrum. From
this matrix, we obtain the weighted mean spectrum:
= (5.1)
In this expression, the weight w accounts for the dispersion in the quahty of individual spectra




where u- is the continuum noise of the spectrum and u0, the reciprocal of the rms of the
signal-to-noise ratio of the spectral time-series. Thus, the deviation at each wavelength can
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with a, the elements of the matrix giving the noise associated with S. The factor c
accounts for the pixel-to-pixel variations of cr due the presence of absorption (c < 1) or
emission features (cj > 1). If ail spectra have a high instrumentai signal-to-noise ratio, the
photon noise dominates ail other sources of noise, and a,
Finally,
(TVS) (N 1) D. (5.5)
To eliminate the effect of intrinsic RV variations of WR 123 on the TV$, we first aligned
the spectra using the cross correlation technique. In this way, we insure that the variability
quantified by the TVS is only caused by the une-profile changes that we wish to characterize.
Since ail unes are moving with nearly the same RV (see Section 5.4.3), a unique value for each
spectrum was used over the entire wavelength range.
When no variability is present in the spectral time-series, the statistical behavior of the
TVS is described by a reduced chi-squared distribution with N
— 1 degrees of freedom, scaled
by the variance, a. Consequently, each given wavelength for which TVS is over the value
uxi(p%) is significantiy variable at a level of p%.
The size of the deviations is of course not proportional to the variance, but rather to
the standard deviation. That is why, in order to provide a more realistic impression of the
amplitudes of spectral deviations, we adopt, instead of the TVS
= t 2 (5.6)
\oXN_I(P%)J
Figure 5.1 shows the E (99%) spectrum (dash-dotted une) superposed on the mean rectified
spectrum (sohd hne), both calculated using ail spectra obtained during ail observing runs.
The dashed une at unit ordinate represents the threshold of significant variability at a level of
99%. In this paper, we are not concerned with the variabiiity of the continuum, since we have
rectified ail spectra to unit continuum before carrying out this anaiysis (see §5.3). However,
despite this procedure, in certain wavelength intervals the continuum presents instrumental
variability due to continuum corrections that differ significantly among the various spectro



























































— Superposition of the mean rectified spectrum (solid une) caicuiated using
ail the spectra from ail the observing runs and the (99%) spectrum (dash-dotted
une) obtained using the formalism of Fuilerton et aI. (1996). The dashed une is thethreshold of significarit variabiuity at a level of 99%.
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graphs used. In these cases, the value of E (99%) is decreased by substituting ai with the
standard deviation of the level of the continuum in the given interval.
One can clearly see that each wavelength region that was not selected as continuum for
normafization, namely ail the spectral unes, is significantly variable at a level of 99%. AIl
isoiated unes that do not suifer from too much blending display a similar shape in the E (99%)
spectrum. Nevertheless, the emission and absorption components of a given P Cygni profile
do not vary in the same way. Indeed, the absorptions display a single narrow peak in the
E (99%) spectrnm, which is particularly strong for the deep absorptions of Hei fines, and the
emissions display a wider and more structured peak with a stronger variability in the center
(see for example the HeIÀ5876 une). This indicates that the spectral time-series does not vary
oniy due to simple une-dilution caused by continuum variability.
The unes that present the highest level of variabiÏity in the spectrum of WR 123 are aiso
the strongest. However, TVS’/2 is expressed in terms of the amplitude of the deviations as a
percentage of the normalized continuum and does not scale linearly with the une intensity. For
the purpose of comparing the variability present in ail spectral lines, we modify the expression
of TVS to make it representative of the variance in pixel j compared with the noise u» We
remove the factor a from Equation (5.3) and replace w by:
(uo.)2
(5.7)G1)
where is the reciprocal of the rms of the signal-to-noise ratio at pixel j of the spectral
time-series. Therefore, we bave for this modified TVS
(TVSmOd)j
1) ( (S - (5$)
The greatest advantage of this modification is that (TVSmod)”2 scales linearly with the une
intensity if we can assume that = njjj, where nj is the factor of variability of a given
spectrum j at a given wavelength j.
To compare the variability in the diiferent spectral lines, we plot in Figure 5.2 KA), as a
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function of the maximum intensity of the mean spectral-une (mimi), where
(A) = KTVSmod). (5.9)
The index indicates that the average is calculated over the pixels that fail within the spectral
unes. In the plot, circles and stars are for fiel and Heu unes, respectively, while diamonds,
triangles and squares are for Nu, Nui and N;v unes, respectively. We separate emission (open
symbols) and absorption components (fihled symbols) of P Cygni profiles. The intensity of
emissions is directly measured from the mean profile, but the intensity of absorptions is
deduced from gaussian fits that account for the real depth of absorption, independently of
blending with emissions. For clarity, we keep the intensity of the continuum at 1, so absorptions
have intensities lower than 1 and emission intensities greater than 1. Figure 5.2 shows that,
for absorptions and emissions, the variability of the spectral unes scales roughly linearly with
intensity and that ail spectral unes have the same relative variability, independent of the line
species. Note that the minimum value of (A) is reached in the continuum (line intensity
1); this is expected since this analysis lias been made on spectra rectifled to the continuum.
This minimum value of (A) depends on the noise level in the continuum of the spectra.
The variability relation with intensity is different for absorptions and emissions, i.e. the
siope for absorptions is 3-4 times steeper. A moderate dispersion is observed around the
linear fits plotted as straight fines in Figure 5.2. This dispersion could be interpreted as
small differences in the relative variability level of the different unes. However, the errors in
the determination of the intensity of the two P Cygni compollents separately, as well as the
uncertainties in the determination of the wavelength range in which we calculate the rms of
the TVSmOd”2 are quite high. These errors are very likely the source of the greater dispersion
for absorption components. Moreover, the quality of the spectruni changes as a function of
wavelength; most of the detectors have a lower sensitivity in the blue part of the spectrum and,
due to the spectral range available with the different spectrographs, ah parts of the spectrum
were not sampled by the same number of observations. Since the TVSmod’2 depends on the
noise at each pixel, the change of quality of the spectrum affects the value of (A) for ail unes.
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Consequently, the dispersion due to the uncertainties on the values of mimi and (A) is too
high to allow us fit more than a straight une in Figure 5.2.
The same analysis has been carried out using the spectra of a single night instead of
taking ail the spectra from ail the campaigns. However, the variability amplitude present on
a timescale of hotirs is signiflcantly lower than what is observed on a timescale of days. Also,
the errors on (A)v are too large to make a meaningful distinction among the variability of the
different unes.
FIG. 5.2
— (A)v as a function of maximum intensity of the mean spectral-hne. Open symbols
are for emission components, flhled for absorption components. See text for further details.
5.4.2 Line-Profile and Equivalent-Width Variability
Que can see from Figure 5.1 that, in absolute terms, the most variable isolated unes are
Hei)4471, 4922, 5016, 5876, 6678; HeiiÀ4686, 4860, 5412, 6560; and NmÀ..\4640,41. In what
follows, we present a description of the variability of these Hues, which occurs on different
timescales ranging from hours to days.
To illustrate the nightly changes in the une profiles, we compare in Figure 5.3 the mean
spectra of each night for HeIi.\5412 and Hei.\5876, the strongest and least blended unes of the
o.
o 2
rnuxmurn ntensity of the meon une
o
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spectrum. The spectra have been shifted verticaliy for clarity. Superimposed on the spectra is
the mean spectrum of ail the runs piotted using dotted limes. The bottom panels show ail the
nightly-mean rectified spectra superimposed. The profile of these two unes varies greatly in
shape from niglit to night, even between two consecutive nights, which indicates that variations
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FIG. 5.3 —. Top: Mean HeIrÀ54Y2 (left) and HeI)5876 (right) profiles for each night (solid limes)
compared to the overali mean (dotted lines). Bottom: Ail nightly mean profiles superimposed.
The most variable part ofthe HeIÀ58Z6 une is the absorption component. This is illustrated
for example by the compiete disappearance of the absorption on Juiy 20 (HJD = 2452840.79)
and its sudden reappearance on the following night with a particularly strong depth. As for
the emission component, the amplitude and the energy distribution changes in an appreciable
way every night, and when the resolution is sufficient, one can see small-scale structures on
the emission and absorption parts. However, no recurrent pattern or coherent behavior in the
variabiiity can be found at first glance and it is unclear how to link the bumps or dips from
one night to anot lier.
The Hen)5412 lime does mot present exactly the same variabiÏity pattern as HeiÀ5876,
but nevertheless lias a similar behavior, i.e. the amplitudes of the absorption and emission
H&%5816
o
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components vary strongly with no clear pattern on a timescale of days and longer. However,
no small-scale structures are detected in the absorption component of the HeIiÀ54l2 une; only
on the emission component are bumps observed.
From inspection of the other unes we conclude that what determines the global variability
pattern of a une on a timescale of days is the strength of the absorption component of
P Cygni profiles. Indeed, ail unes having a weak absorption component regardless of their
species, have a variability pattern similar to what is observed in HeiiÀ54l2. On the other
hand, ail unes, hke HeIÀ44Z1, that have a strong absorption component, have a variabihty
pattern like that ofHeiÀ5876. This indicates that in the case ofa strong absorption component,
the effect of one component of the P Cygni profile on the other (i.e. absorption on emission
or vice versa) is strong, which confuses the apparent variabihty pattern. This is amplified by
the fact that, as already shown, the absorption components have a stronger variability level
than the emission componerits.
Can the night-to-night variability be understood in terms of variations on a timescale of
hours? This is the question we address in figure 5.4 where grayscale plots are presented for 6
illustrative spectral unes over 6 different nights (ail from the two NTT runs). The grayscale
plots show the residuals of ail individual spectra from the nightty mean spectrum, so the strong
night-to-night variablity does not dominate the residuais. Bright regions are stronger than the
mean, while dark regions are weaker than the mean. Each night lasts between 4 and 5 hours,
and in this time interval, ail the unes change in intensity, wïdth, and in shape. Within a given
night, intensity and width can vary from 5 ¾ to 25 ¾.
Globaliy, on a short timescale, ail spectral emission unes show similar une-profile varia
bility in shape, although there are some differences. Indeed, rapid variability, consisting of a
complex combination of changes in the absorption and the emission cornponents of P Cygni
profiles, occurs quite simuitaneously on timescales of hours for most spectral lines shown in
Figure 5.4, except perhaps HeIM47Y and HeI5876. Just as for variations on a longer times
cale, the differences in those cases are due to a strong P Cygni absorption which affect the
appearance of the changes when compared to a une that is mainiy in emission. A notable
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FIG. 5.4
— Grayscale of NuiM64O,41, HeI)k4922, HeII)k5412, Hei)k5876, HeHL\6560 amiHeIÀ66Z8 residual profiles on selected niglits.
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(particularly low for the HeiÀ4922 une). Also, the grayscale plot of the NIii)4640,41 doublet
may appear to differ from the others, since its variability is duplicated for each component of
the doublet. Finally, une blending adds structure in the grayscale plots of some une profiles;
e.g. the presence of the Na D interstellar lines in He;À5876 and the mixing of the absorp
tion comporient of the Hei;À4686 hne with the blue edge of the emission component of the
NniÀ464O,41 doublet (particularly visible on July 24).
In addition to the overali variations in the intensity of the emission components of ail
the unes on a timescale of hollrs, we note the presence of large-scale moving structures. For
example, a large bump is seen moving on ail hnes from +280 to -.-300 km s in 4.1
hours on June 26 and another one from +600 to -.+200 in ‘3.2 hours on July 23. As
for the absortions, they can change in shape very quikly, like on the night of July 24 when
the absorption of ah the unes went from deep to shallow in a few hours. A zoom of the
absorption components of the He1À4922, HeHÀ5412, HeiÀ5876 and HeuÀ656O lines illustrating
this phenomenon is presented in Figure 5.5. The same phenomenon, aithougli more modest,
xvas observed during most of the nights, with the strongest cases (besides that on July 24)
occurring at OHP on July 12 in the HeiI.)5412 and HeIÀ5876 unes. This time, the absorption
went from shailow to deep in 4.3 hotirs (Figure 5.5). Note that the apparently steep change
in the absorption component of HeiÀ5876 on July 12 is due in fact to an interruption of one
hour during the observing night of July 12. These rapid changes can potentiahly explain the
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FIG. 5.5 — Zoom of the absorption components of the HerÀ4922, Heii)5412, HeiÀ58Z6Heii\6560 lines. Top t night of 12 ]uly 2003 from OHP (t=4.3 hours). Bottom t nightof 24 July 2003 from NTT (Lt=3.6 hours).
c- We can summarize the une-profile variabihity as fbllows. Within a ‘-.4 hour-period. the
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intensity of unes can vary quite significantly as illustrated in Figure 5.4. sometirnes with large
bumps moving slowly across the profiles. But the variability in the shape of the line also
seems to occur on a longer timescale of days as illustrated in Figure 5.3. What goverus the
appearance of the changes is the strength of the P Cygni absorption component. Ail unes from
any species that do not present a strong absorption component present a similar variability
pattern than He;iÀ5412, thougli those with a strong P Cygni absorption vary like Her)4471.
This can be understood in terms of the opacity. If it increases for example, this corresponds
to more flux at wavelengths where the une is in emission but less flux at wavelengths where
the une is in absorption.
In an attempt to quantify the changes for each of our selected unes, we first examined
their equivalent widths (EW). Since the presence of multiple weak limes in the vicinity of the
Hei,\6678 line strongly affects its measured EW values, this line will not be discussed in what
follows.
Since the variability of the absorption and emission components of P Cygni profiles are by
definition in opposition direction, the EW measurements must be treated separately. otherwise
more opacity could lead to a reduced amplitude in EW variabihty. b do so, we fitted two
gaussian functions, a negative one displaced &om the une center (absorption) and another
with a positive intensity (emission), with the reasonable assumption that the lime profiles are
in fact close to gaussian. The EWs are then derived from the two resulting profiles. Most of the
une fits have a small x2 and the worst fits are those for spectra with the worst signal-to-noise
ratio. This indicates that estimated EWs are flot strongly affected by our method. The error
bars on the measurements were obtained as described in Vollmann & Eversberg (2006).
In order to compare the different lines in relative terms, we defined LEW as EW divided
by the overali mean EW measured. In Figure 5.6, we present EW as a function of time on
the 6 NTT nights for the Hei)4471 and He;1À5412 limes, both of which are strong, well isolated
and easy to fit (the fit on the He1À58Z6 line is perturbed by the two interstellar Na D lines).
When comparing the LEW of the absorption and emission components of a given une, one secs
that generally when the emission is stronger, the absorption is also stronger and vice versa.
However, the variations in the two limes presented in Figure 5.6 have different amplitudes,
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and rio clear correlation can be found between them. The correlation of zEW of the emission
component of different unes is examined in Figure 5.7. The different nights are plotted with
different symbols; the plus sign plotted in the top-left corner of each panel represents the
1 u error bar along both axes and the straight une traces the one-to-one correlation. A
normalized x2 indicates whether a correlation is likely (x2 1) or not (x2 » 1). The Heu,
Ni;; and N;v unes have relatively well-correlated EW (the NI; unes do have not a strong
enough flux to give EW measurements with sufficient accuracy, so they were ail excluded).
However, none of the Hei unes has been found to be correlated with any other une, not
even other He; unes. In fact, the Hei hnes have the strongest absorption components, which
demonstrates, once again, that the stronger the absorption component of a profile is relative
to its emission, the more the two components are affected by one another. The consequence of
this is to make the two components more difficuit to separate by our line-fitting technique. This
produces a contamination of the bulk EW variability and the real behavior of zEW becomes
impossible to obtain. This may also explain why the amplitude of the EW variability of the
two components of Hei lines seems damped in comparison with what is observed in other une
species (sec for example the Hei,\4471 une measurements in Fig. 5.6).
Finally, we wish to stress that the variability of spectral unes is not only due to the simple
dilution of the spectrum by a variable continuum, but is due to real spectral-une variability.
This becomes clear when we compare the amplitude of EW (up to 20 ¾ in absorptions and
10 % in emissions within a night) with the small amplitude of the photometric variability (no
more than 5¾ within 24 h; Lefèvre et aI. 2005). We wiIl return to this point in § 5.6.
5.4.3 Radial Velocity and Skewness Variability
As described in Marchenko et al. (1998), previous studies have concluded that WR 123
presents small-amplitude RV variations with K < 25 km s. In principle, our data sampiing
shouid be sufficient to check if the RV variations we detect present a period of P=1”.76 as
claimed in RV by Lamontagne et al. (1983) or any other period that has been claimed in
the past. Unfortunately, the error bars we estimated on the RVs from our NTT and CfHT



























































































































Fia. 5.7 — Comparison between the relative FW measurements, zEW, for various unes ofWR 123 fbr our 6 NTT observing nights. The different nights are plotteci with differentsymbols; (o) for 26 June, (+) for 20 July, () for 21 ]uly, (x) for 23 July, () for 24 Julyand (o) for 25 JuIy
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TAB. 5.2 — Radial velocity (RV) measurements and their associated errors tu(RV)] for ourOHP spectra.
HJD RV a(RV) HJD RV (RV)
- 2452800 km s km s1
- 2452800 km s km s128.3879 17.6 2.85 32.4378 -0.831 2.2828.4337 19.4 1.39 32.4521 -0.773 2.8428.5287 13.5 1.69 32.4664 -0.877 3.2028.5724 16.6 1.55 32.5227 -6.85 3.8829.3616 7.03 5.49 32.5370
-3.82 4.8429.3760 8.32 5.52 32.5514 -8.01 4.0029.3906 9.68 5.43 32.5674
-9.76 3.8629.4555 13.1 2.93 32.5815 -11.7 3.5129.4702 25.1 2.12 32.5957 -9.72 3.7030.4097 9.37 2.54 33.3653 -18.0 5.7030.4243 11.9 2.28 33.3795 -18.5 3.6630.4393 8.21 4.30 33.3944 -16.2 3.2230.4957 9.69 2.38 33.4107 -12.6 1.9830.5099 11.3 3.73 33.4250 -9.86 1.6230.5242 6.46 3.05 33.4394 -10.6 1.9030.5401 7.93 3.10 33.4972 -8.84 1.5430.5543 6.62 4.00 33.5115 -7.84 2.0730.5684 4.36 2.30 33.5256
-7.90 1.6131.3729 10.3 3.70 33.5417 -6.32 2.2831.3872 12.5 3.36 33.5566
-6.19 1.7031.4014 11.8 3.64 33.5707 -4.33 1.8031.4191 9.88 4.93 34.3886 -23.1 3.5631.4332 13.2 3.11 34.4026
-19.9 3.6331.4473 13.2 3.03 34.4167 -19.2 3.8131.5028 11.5 3.23 34.4356 -15.4 1.9631.5169 11.8 2.92 34.4497
-10.1 1.6731.5311 8.01 3.29 34.4638 -12.1 1.8731.5465 12.7 2.86 34.4796 -12.6 1.7231.5606 10.9 2.84 34.4937 -0.672 2.6931.5747 12.1 2.80 34.5085 -11.8 2.2132.3932 8.27 1.65 34.5245 -13.0 2.2832.4074 2.35 2.02 34.5389 -17.8 3.2532.4217 1.11 1.97 34.5530 -20.0 3.50
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the EMMI spectrograph, the error bars are mainly due to flexures in the instrument that couid
not be adequately nionitored, as only one or two comparison-iainp spectra were obtained at
the beginning or the end of the night. In the case of the OSIS spectrograph, the large error
bars are due to too few spectral unes in the cornparison-lamp spectrum that rendered the
spectral solution very unstable from spectrum to spectrum. The only conclusion that can be
reached from these RVs is that K < 40 km s, which is compatible with previous resuits.
Therefore, the oniy spectra that could be reliably used to analyse RV variations were
those from OHP. We first verified that ail spectral hnes moved in phase before carrying out
RV measurements on the global spectrum. To do this, we used bisectors to measure the RV of
ail the emission unes available in the OHP spectra individually (e.g. Heu)5412 and HeIÀ5876).
We adopt as RV the average of the midpoints of horizontal une-segments spanning the widtb of
the profile at a number of different flux leveis. The range of flux levels for each spectral une vas
chosen to avoid the most variable parts of the une, i.e. the base of the une, where the cua1ity of
the spectrum is minimum, and the top of the une, where large une-profile variabiÏities occur.
The number of segments was fixed in such a way that each pixel of a spectral une within the
chosen flux-level range was used only once. Due to the spectral resolution, the accuracy of the
RV measurements using the bisectors is quite poor. Nevertheless, no clear discrepancies are
visible in the RV variability among ail spectral unes.
To obtain the RVs of WR 123, we carried out a cross correlation using the entire spectral
range. To do so, we first aligned ail the spectra using cross correlation with the spectrum
having the best signal-to-noise ratio (the first spectrum of the campaign in this case) as a
template. The average of ail the aligned from OHP was used as a template to perform another
cross correiation to obtain the RVs of each non-aligned spectrum. Our resuits are presented
in Table 5.2 and in Figure 5.8.
The RV variations have an amplitude of K 20 km s. The main trend of the RV
curve is a downward siope going from 0 km s1 to ‘-40 km s1 (with respect to the first
spectrum of the campaign) in a ‘-7 day time-period. A doser look shows that the RVs vary in
a non-simple way from night to night and can change by as rnuch as 10 km s within a
hour period. Are these RV variations caused by the presence of a companion or simply by the
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une-profile variability that perturbs the cross-correlation profile? A good way to clarify this
is by examining the skewness curve of the main spectral unes, i.e. Heu,\5412 and HeiÀ5876
(only the emission component), as shown in Figure 5.8. The skewness is obtained using:





with Ij being the intensity of the une and the wavelength.
Since these two lines clearly dominate the spectrum (and therefore the flux in the cross
correlation profile) in the wavelength range of our OHP spectra, they are also the main
contributors to the RV measurements. One can see by comparing the different panels of
Figure 5.8 that the skewness displays similar variations to the RVs on a short timescale, i.e. a
large amplitude variability with a ‘-.-A-hour timescale component. This shows that the short
timescale variability of the RVs is significantly perturbed by une-profile variability. However,
the skewness curves do not reproduce the long-term siope present in the RV curve. We conclude
that the only genuine RV variability, if present, must occur on a timescale of days or weeks.
5.5 Period search
Our data were obtained with a temporal resolution stutable for searching for periods on
short as well as long timescales. During the two runs at NTT, most of the observations were
made every 5 minutes (5t O.OO34Z; see § 5.3) and, according to the Nyquist criterion, the
maximum frequency that can be searched for is Vfl,ax = 1/2t = 144d’. Each night tvas 3 to 5
hours long (t = o.i25 - o’.2o8). The total time elapsed between the first and last spectrum
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FIG. 5.8 — Radial velocities (RVs) measured (top) by crosscorrelation over the entire spectralrange of our OHP spectra and skewness measurements of the HeII.>5412 (;niddle) and theHeI)5876 (bottom) unes.
is 58d1 and, therefore, we choose Vmin = 0.0172d’. Therefore, our samplingenables to search
for periods from 10 minutes to weeks.
The period search was performed using two independent methods. The first is a phase-
dispersion minimization algorithm (Stellingwerf 1978), also called PDM, which consists in
folding the data points with different trial periods and dividing the resulting data into a
certain number of phase bins. Then, for each trial period, we can define (1) s, the variance
of bin j, (2) s2, the variance of ail s, and (3) e = s2/u2, where a2 is the variance of ah data
points. If a trial period is not present in the data, its s2 u2, and its e 1. 0 vill reach
a minirnium, ideally 0, when using a period present in the data. This method is well suited
to cases in which only a smahl number of observations are available over a himited period of
time, especially if the signal is highly non-sinusoidal. The other method we used is the CLEAN
algorithm (Scargie 1982; Roberts et al. 1987), which has the advantage of taking into account
the unevenness of the data sampling, since it “cleans” the discrete Fourier spectrum with a
window function.
We started the period search with the EW ofthe HeIiÀ54l2 une measured on the nightly
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mean spectra illustrated in Figure 5.3. We plot these values as a function of time in Figure 5.9,
together with the values for the spectra obtained during 5 nights at NTT already shown in
Figure 5.6. Using PDM, the EW curve shows no clear evidence of a period; the obtained
0-curve is quite noisy and no peak reaches a value below 0.65.
However, the CLEANed power spectrum (PS) has only one significant peak at a level of
99%; i.e. v=0.21±0.02d’ (P=4’.88). Two other significant peaks are also present at v=0.86
and 0.93d (p1d17 and l”.07, respectively), but they are most likely artifacts from the
sampling function. Clearly, the EWs vary immensely on timescale of days, but we have too
few data points to determine which periods are really present; our observations are compatible








— EW of the mean spectra of the Hei.58Z6 (left) and HeiiÀ54l2 (right) lines. Thesmall dots are the zEWs of the individual spectra obtained during 5 nights at NTT (seeFigure 5.6).
To search for short periods, we concentrated our analysis on our NTT spectra. Since
the variability on timescales longer than a day affects the higher frequency spectrum, we
normalized the LEW curve by subtracting from it a fit to the data (large dots) in Figure 5.9
using a spiine function of order 2 between days 40 and 46 (HJD
- 2 452 800). This run
lasted 5d14 (mjn0.195d) and the shortest time elapsed between two spectra is 5 mins.
The periods searched for in the normalized EW-curve are then between 0d00347 and 1d•0
Using PDM, we find several frequencies and their harmonics. Interestingly, the 0-curves of
different unes of the same species are similar and when a frequency is present in the emission
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component of a une, it is aiso present in the absorption component. But the resuits are
quite different from one species to another. Frequencies at v=2.51, 3.25, 3.51, 4.52. 5.54d’
(p9d399 0d307 0d285 0d221 and O’.l8l, respectively) are found in ail Heu unes and
vrrr3.92, 4.92, 5.91d’ (p_0d255 0d203 and 0d169, respectiveiy) are found in ail Hel unes.
The typical error ranges between O.O6d’ and O.13d’ (corresponding to 0d004 and O.OO8
depending on y). The resuits obtained by the CLEANed PS are not as clear. Ail different unes
give different frequencies and the emission and absorption components of the unes are not
correiated. However, the peak at 4.52d’ obtained with PDM is present in the CLEANed PS
of the emission parts of Heu)5412, and the peaks at 3.51 and 5.54d1 are present in the
CLEANeU PS of the emission parts of He;i)656O. The same is true for v=4.92d’ which is
present in both the 0-curve and the cLEANed PS of HeIÀ5$76.
The reason it is not possible to obtain a single resuit for a given une when different methods
are used is that on a short timescale the changes are not simple and more than one period is
probabiy present at the same time. The time samphng of our data is not adequate for such
a non-purely sinusoidai or multi- or quasi-periodic signal, with frequencies corresponding to
the timescale of the duration of a night of observation. It is then difficuit to distinguish which
of the frequencies given by the PDM represent those actually present in the une EWs. When
the normalized EW-curve is folded in phase using the detected periods, we see that both
for the Hei and Heu unes, ail possible periods seem to give more or iess clean results. Indeed,
periods found in the normalized EWs of Hei unes are present in ail the niglits in July, except
for the night of June 25 when the phased AEW-curve seems offset. In the case of the Heu
unes, i’=2.51 and 3.51d’ give clean curves only for the nights in July. The niglit of July 22
is not well fitted with v=3.25d’, while v=4.52 and v=5.54d1 give clean curves for ail the
nights. We note that the period of 0d•408 (v=2.45d’) ciaimed by Lefèvre et ai. (2005) from
MOST data is present in the normalized EW-curve of both Hel (peak at 1/2x4.92d’) and
Heu unes (peak at 2.51d’) from our data. The normalized AEW curves of HeiIÀ54l2 folded
in phase with this period are presented in Figure 5.10. This une is the most representative.
since it is weli isoiated and strong, and its absorption component is not too strong compared
to its emission component.









FIG. 5.10 — Normalized EW curves of the emission component (left panel) and of the absorption component (right panel) of the HeiiÀ54l2 une folded in phase with a period 0f0d•399•Phase O is arbitrary. Only the five best half-nights of the second NTT fun are presented. Thevertical unes represent the lu error bar.
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In order to determine if these periods are present not only in une strength but also in
position, we searched for periods in the RV variations. Unfortunately, due to the problems
with the calibrations of the NTT and the CFHT spectra discussed earlier, it is flot useful
to search for periods in their RV variations. The only spectra suitable are those from OHP,
which have a temporal resolution of St = 0.0l60 (Vmax = 125.22d’). At OHP, the longest
night had 4 hours (tt = 0.”166) and the run iasted 6’.17 (vmjr = 0.162d1). In this time
interval, no significant period was found with both the PDM and the CLEAN methods.
5.6 Discussion
In the previofis sections, we have shown that not only does the continuum of WR 123
vary on different timescales, as shown in the continuum-dominated broadband photometry of
MOST by Lefèvre et al. (2005), but ah spectral lines also do. The spectral-line variabihity
can be divided in two components, a long-term variation on a timescale of several days, and
a short-term variation on a timescale of hours. As the effect of an increase or decrease in
opacity on absorption and emission components are opposite (more flux at emission, less flux
at absorption wavelengths), they must be treated separately in order to avoid cancellation
effects.
Ail the emission components have the same variability in shape and in relative amplitude.
On a short timescale, they vary in amplitude at a levei of 30% of their intensity, and on a
long timescale at a level of 55% of their intensity. Their changes in flux distribution due to
the motion of subpeaks indicate changes in the density distribution of the region of the steilar
wind where the lines are formed. There is no delay detected hetween the variability pattern of
the different unes studied here; the variabihity seems to occur sirnultaneously at the different
radii where the different line-species are formed. However, one has to note that most of the
unes have similar widths and their regions of formation probably overlap.
Ail absorption components also have the same variability in shape and in amplitude, and
no deiay is observed between the variabihty of different une species. However. they are more
variable than the emission components. Indeed, they vary at a level 50% of their depth on
a short timescale, and at a level as high as 90% of their depth on a long timescale. Most of
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the absorption variability seems to occur within a few hours, during which a graduai strong
increase or decrease can be observed. In the strongest absorption profiles, as in the Hei)5876
une, subpeaks moving on a timescale of days are seen.
The search for periods on long timescales in these variations was not sticcessful, possibly
due to the insufficient time sampling of our observations. Indeed, even if our runs were spread
out over a total of 60 days, only 20 nights of observation were obtained, whereas the light
curve published by Lefèvre et al. (2005) showed that the photometric variability in WR 123
is stochastic and/or multi-periodic on a timescale of weeks, with no repetition evident during
the 38 days of continuous observation. A mucli more intense campaign on WR 123 over a
time range of more than 40 days should be carried out to allow a better determination of
whether one or more long periods, if any, are present.
As for the search for short periods, we obtained a certain number of families of plausible
periods and their aliases between 4 and 10 hours in the normalized EW-curve. Among
them, the only consistent period present in both Hel and Heu unes and in the MOST light
curve is ou.4 (9.8 hours). The normalized zEW-curve of both the absorption and the
emission components folded in that period gives clean curves: the phase-dependent variability
is well reproduced in amplitude and in shape. Interestingly, the rapid variability observed in
absorption components of the spectral lines seems to occur within the 9.8 hour period.
Lefèvre et al. (2005) already discussed possible scenarios to explain the presence of a short
and a long timescale variabllity in the light-curve of WR 123. For the long-term variabihty,
they suggested that it could originate from the stochastic formation of wind inhomogeneities
as shown by Lépine & Moffat (1999) in the WN8 star WR4O. For the short-term variability,
assuming a stellar radius of R -..45 R0 (according to Crowther et al. 1995), they refuted the
possibility that a phenomenon reiated to stellar rotation could be at the origin of the period
of 9.8 hours, since this would lead to a centrifugai force greater than gravity at the equator of
the star. Also, for the same reason, they showed that sucli a short period could not be liriked
to the presence of a compact companion revolving around the star. Finally, they elirninated
the possibility of strange-mode pulsations predicted by Clatzel et al. (1999), arguing that no
period longer than 1 hour with a photometric variation as smali as 0.2 mmag is predicted by
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the models for WR stars, unless these variabilities are altered by their passage through the
stellar wind.
Since the publication of the MOST light-curve, two independent models involving non-
radial pulsations were proposed to explain the 9.8 hour period. The first one by Townsend
MacDonald (2006) examines the stability of 1=1 and 1=2 g-modes. The authors Ibund
that a -niechanism can be responsible for periods in the range from 3 to 12 hours. The
second one proposed by Dorfi et al. (2006) contradicts the conclusion of Lefèvre et al. (2005)
concerning the strange-mode pulsations. Indeed, using an adequate stellar radius for WR 123
in radiation hydrodynamic simulations, they showed that strange modes with a period as high
as --‘10 hours can be excited. However, these two models were not done using realistic stellar
parameters: Townsend & MacDonald (2006) used a stellar radius too small for a WNS star,
and Dorfi et al. (2006) used a hydrogen abundance which is too high for WR 123. Moreover,
it remains unclear how these pulsations affect the stellar wind at different radii and how the
spectral unes are in turn affected. From our analysis, we now know that these models would
have to take into account the fact that the spectral variabiiity occurs simultaneously in ail
the unes, regardless of line species, and that absorption components of P Cygni profiles cari
be strongly modified within the period of 9.8 hours.
Also from our new set of data, we can say that the long-term variability cannot be explained
by the presence of wind inhomogeneities, since the amplitude of the line-profile variability on
this timescale is far too high in comparison with the amplitude of subpeaks coming from wind
dumping (Lépine & Moffat 1999). To our knowledge, no model of a He-core burning WNL
star predicts multi-periodic pulsations on a timescale of days.
Perturbations at the base of the wind caused by pulsations or magnetic activity cari create
a local enhancement of the wind density that propagates through the wind while being carried
around by rotation, leading to a spiral-like density structure in the wind which is corotating
with the star (Cranmer & Owocki 1996). These structures, cailed Co-rotating Interaction
Regions (CIR), can be responsible for periodic large-scale line-profile variability in spectral
emission unes (Dessart & Chesneau 2002). 0f course, depending on the conditions of the
phenomenon responsible for the creation of CIRs, the number and the position of the different
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CIRs present in a given star cari differ. If the CIRs cari remain stable for a certain number of
cycles of the stellar rotation, the stellar period cari be deduced from the period of the large
scale une-profile variability. However, CIRs are epoch-dependent and their lifetime is Iimited.
Consequently the number and the position of the CIRs change after a certain amount of tirne.
If this “time of coherence” is smaller than a period of rotation, no repetition in the variability
pattern of the une-profile cari be detected. This may explain the presence of a strong non
periodic spectral variability of WR 123 on a timescale of days, as well as the strong variability
of the absorption components, also on a timescale of days.
Another plausible scenarjo for the long-term variability of WR 123 that could imply a
RV variability with an amplitude K lower than 20 km s1 as reported in this paper (see the
top panel of Figure 5.8, is the presence of a compact companion orbiting in the wind with a
long period. In that case, using M=20 M0 and R,=15 R® which are typical for the stellar
mass and radius of a WN8 star, and assuming that the emission lines are typically formed at
5 R, we obtain a possible period of 17 days for the comparict companion. However, since ail
the spectral unes vary simultaneously, the ionized cavity surrounding the compact companion
would have to be large, and it is then difficult to explain why WR 123 does flot emit accretion
type X-rays as in the massive X-ray binary Cyg X-3 (van Kerkwijk et al. 1996; Ignace et al.
2000).
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En combinant les résultats des deux relevés spectroscopiques lors desquels nous cherchions,
à partir d’un petit ensemble de 4—5 spectres, à déterminer le type de variabilité des étoiles
WR galactiques, nous trouvons que près d’une vingtaine d’entre elles montrent une variabilité
à grande échelle temporelle et spectrale. Toutefois, trois de ces étoiles sont de type WN8 et
six sont de type WC9, deux types d’étoile WR qui sont intrinsèquement variables. En effet,
les WN8 semblent montrer une grande variabilité, fort probablement causée par la présence
de pulsations non-radiales, et les WC9 produisent, pense-t-on, une spirale de poussière qui
est produite lors de l’interaction de leur vent stellaire avec celui d’une étoile compagnon, dont
nous n’avons toujours pas pu détecter la présence. Dans le cas des étoiles de notre échantillon,
cette hypothèse reste à vérifier. Il reste donc 10 étoiles WR qui montrent une variabilité
à grande échelle et qui sont, par conséquent, les candidates que nous avons retenu pour une
étude plus approfondie afin de déterminer si des CIRs peuvent être observés et s’il est possible
de les suivre pour déterminer la période de rotation de l’étoile.
Parmi ces 10 étoiles, une a été suivie de façon intensive en photométrie et en spectroscopie.
Cette étoile, WR 1, a montré lors des campagnes d’observation, une variabilité du continu
ainsi qu’une variabilité à grande échelle qui sont tout à fait comparables à ce qui avait été
observé pour les étoiles WR 6 (Morel et al. 1997, 1998) et WR 134 (Morel et al. 1999), les
deux étoiles pour lesquelles la présence de CIRs a déjà été confirmée. Dans la photométrie
de WR 1, une période de 16,89 jours a été trouvée. Cette période n’est pas contredite par
la variabilité spectrale mais, la correspondance que nous avons pu faire entre les observa
tions photométriques et spectroscopiques est limitée, car, non seulement les CIRs semblent
avoir changé de configuration pendant les observations, mais aussi les deux campagnes en
photométrie et en spectroscopie n’ont pas été faites simultanément. Ainsi, le lien entre la
variabilité du continu, qui correspond aux régions les plus profondes du vent, et la variabilité
des raies spectrales, qui correspondent à différents rayons dans le vent stellaire, n’a pu être
établi de façon définitive. Nous planifions donc d’organiser une campagne d’observation qui
remédiera à cette lacune dès qu’il nous sera possible d’obtenir du temps d’observation à un
télescope qui permettra en même temps un suivi en spectroscopie et en photométrie, comme
ce que permettra le télescope de 1.8 mètres à l’Observatoire Astronomique Fédéral à Victoria,
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après que le spectrographe aura été changé et sera alimenté par une fibre optique.
Avec la période trouvée pour WR 1 et en adoptant un rayon stellaire de 2,2 R0 (Hamann
et al. 1995), on peut déduire que sa vitesse de rotation est v6,5 km s1, ce qui est comparable
à ce qui est trouvé pour WR 6 et WR 134. En plus de ce qui a été présenté dans cette thèse,
un suivi en spectroscopie et en photométrie a été initié pour les étoiles WR 58, WR 115, et
WR 120. Pour l’instant, aucune période n’a été trouvée pour WR 115 et WR 58 ne montre
qu’une importante variation photométrique dont l’échelle de temps semble aussi longue que 2—
3 mois. Toutefois, selon nos résultats préliminaires, WR 120 montre une période d’une dizaine
de jours, ce qui donnerait, en adoptant un rayon stellaire de 14,6 R0 (Hamann et al. 1995)
une vitesse de rotation de y -.70 km
En plus de nos candidates principales, certaines étoiles ont aussi attiré notre attention,
même si selon nos critères nous ne les avons pas classées comme variables à grande échelle.
Il s’agit de WR 71, WR 75, WR 82 et WR 110. Nous avons récemment suivie WR 110 en
spectroscopie de manière pius intensive sans que cela ne donne pour l’instant de période
évidente, mais WR 82 a déjà été observée par Antokhin et al. (1995) qui ont trouvé une
période de 13,8 jours. Encore une fois, en prenant un rayon stellaire de 15,2 R0 (Hamann
et al. 1995), cela donne une vitesse de rotation de y km
Finalement, il y a aussi l’étoile WR 46 que nous n’avons pas incluse dans nos relevés, car
elle a déjà été suivie de façon adéquate en photométrie, puis en spectroscopie par Veen et al.
(2002a,b). Cette étoile particulière montre de rapides variations dont la période semble être
entre Z et 8 heures. En supposant que cette variabilité provienne de CIRs, si l’on prend un
rayon de 2,4 R® (Hamann et al. 1995), un période aussi courte correspondrait à une vitesse de
rotation de v=360 km s1. Toutefois, il n’est pas exclu que cette variabilité soit plutôt causée
par des pulsations de l’étoile ou, encore, par la présence d’un compagnon compact.
En supposant que toutes les périodes discutées jusqu’à maintenant soient les périodes
de rotation des différents étoiles WR, cela impliquerait que la plupart des étoiles WR ont,
comme prédit par Meynet & Maeder (2003, 2005), une vitesse de rotation modeste près
de v=50 km s, avec quelques étoiles, comme WR 1, qui tournent encore plus lentement,
mais aussi quelques étoiles, comme WR 46, qui, comme prévu par Hirschi et al. (2004),
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atteignent une vitesse de rotation importante, soit plus du tiers de la vitesse de rotation
critique. Toutefois, il est aussi possible qu’aucune de ces périodes ne soit en lien avec la
période de rotation de qtielqu’étoile WR que ce soit. En effet, une étude sur la variabilité des
vents d’étoiles B effectuée par Lobel & Blomme (en préparation) suggère que la période des
DACs serait plutôt la période des pulsations qui sont à l’origine des CIRs, et non une période
de rotation. Comme les modèles de CIRs ne sont toujours pas complets, il s’agit toujours
d’un débat ouvert. Supposons, alors, que les périodes trouvées pour les étoiles WR soient
des périodes de pulsation. Faisons aussi la supposition que l’origine des pulsations soit la
même pour toutes ces étoiles WR, ce qui est raisonnable puisqu’elles sont toutes de sous-type
spectral comparable, soit toutes des étoiles WN entre 4 et 7. À ce moment-là, il est attendu
que la période de pulsation dépende linéairement de la luminosité, comme c’est le cas pour
des pulsations provoquées par un mécanisme i. Si la distance des étoiles WR par rapport à
la Terre est bien connue, par conséquent, leur luminosité l’est aussi. En supposant que ce soit
le cas, nous pouvons utiliser les magnitudes absolues listées dans van der Hucht (2001) pour
WR 1 (M=-3,51), WR 6 (M3,52), WR 46 (Mv=3,12), WR 82 (Mvr=_3,34), WR 120
(M=-5,4l) et WR 134 (M=-4,97). À la lumière de ces chiffres, il est clair qu’aucune relation
directe ne peut être établie entre la luminosité des étoiles WR et leur période de variabilité.
Il devient donc moins évident de croire que les périodes que nous avons trouvées soient toutes
des périodes de pulsations.
La dernière objection possible à notre supposition que la variabilité à grande échelle des
étoiles WR provienne des CIRs est la possibilité qu’elle provienne plutôt de la présence d’un
compagnon de faible masse sur la série principale. Bien que nous ne puissions pas totalement
exclure cette possibilité, nous démontrons dans la conclusion du Chapitre 4 qu’elle est peu
probable. Essentiellement, la difficulté de cette hypothèse vient de la faible probabilité qu’un
si grand nombre de systèmes binaires aient un rapport de masse élevé (e.g. Garmany et al.
1980; Kobulnicky et al. 2006; Bonneil 2007).
Nous terminons cette discussion avec un bref retour sur l’étoile WNS, WR 123, que nous
avons présentée dans le Chapitre 5. Cette étoile avait d’abord attiré notre attention alors
qu’elle se démarquait des autres dans le relevé spectroscopique. De plus, elle avait été retenue
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pour être observée pendant près de 40 jours par le satellite MOST. Malheureusement, à cause
du retard qu’a eu le lancement de MOST, nos observations spectroscopiques sont décalées d’un
an avec la courbe de lumière publiée par Lefèvre et al. (2005). Il se trouve que la variabilité
de cette étoile n’est pas aussi évidente que dans les cas de WR 1, WR 6 et WR 134. Deux
types de variabilité ont été observés dans cette étoile, soit une variabilité dont l’amplitude est
de quelques pourcents et l’échelle de temps de quelques heures, et une autre dont l’amplitude
est quelques dizaines de pourcents et l’échelle de temps plusieurs jours ou semaines. La seule
période viable trouvée pour WR 123 est de près de 10 heures, soit équivalente à ce qui avait
déjà été observé avec la courbe de lumière obtenue par le satellite MOST. Une période aussi
courte ne peut être expliquée que par des pulsations dans le cas de cette étoile, car, s’il en était
autrement, elle impliquerait une rotation super-critique ou la présence d’un compagnon dont
l’orbite serait plus petite que le rayon de la WR. Quant à la variabilité à plus grande échelle de
temps, elle pourrait être expliquée soit par la présence d’un compagnon compact, soit par la
présence de CIRs. Pour permettre une étude plus approfondie de WR 123, il faudrait organiser
une campagne intensive où l’étoile serait suivie en spectroscopie et en photométrie avec au
moins une mesure par 30 minutes, pendant plusieurs nuits d’au moins 10 heures, ainsi qu’une
campagne qui permettrait de suivre le comportement de WR 123 pendant plusieurs mois si
jamais une certaine récurrence pouvait être trouvée.
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GAnnexe A
Les effets de la rotation des étoiles
massives
Les effets physiques de la rotation stellaire sont nombreux. Dans ce chapitre, nous verrons
que pour les inclure dans des modèles réalistes, il faut d’abord modifier les équations de base
de la structure stellaire. Nous verrons aussi comment le taux de perte de masse à la surface
de l’étoile dépend de la rotation et de quelle façon la rotation induit un transport de moment
cinétique et d’éléments chimiques dans l’étoile.
A.1 La structure hydrostatique
Dans une étoile en rotation, la gravité effective (gef f) diminue en fonction de la colatitude
O sous l’effet de la force centrifuge. Cela aplatit l’étoile qui ne peut être considérée sphérique,
comme c’est le cas dans les modèles sans rotation. Il faut donc, par conséquent, écrire les
quatre équations de la structure stellaire de façon adécjuate. Kippenhahn & Thornas (1970)
ont développé une méthode pour incorporer les effets hydrostatiques de la rotation aux modèles
en remplaçant la stratification sphérique, normalement utilisée dans les cas sans rotation, par
une stratification déformée par la rotation. Ainsi, la pression F, la densité p et la température
T sont constants sur une équipotentielle définie par = c1 + 12r2 sin2(O), où t =
est le potentiel gravitationel à la distance r du centre de l’étoile et , la vitesse angulaire.
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Malgré qu’il s’agisse d’une méthode puissante, car elle permet de traiter le problème en une
dimension, elle n’est malheureusement valable que dans les cas où l’énergie est conservée, ce qui
n’est généralement pas respecté par la rotation stellaire interne. C’est pourquoi Zahn (1992)
a généralisé la méthode de Kippenhalin et Thomas en développant la loi de la “rotation en
coquille” (appelée shettutar rotation dans la littérature anglophone) où il considère, dans le cas
d’une rotation différentielle, que est constant sur une isobare qui respecte ‘‘ cste. Meynet
&c Ivlaeder (1997) ont démontré qu’il est ainsi possible d’écrire les équations de la structure
stellaire de façon consistante en les exprimant en terme d’une coordonnée qui se réfère à la
masse contenue à l’intérieur d’une surface isobare. La loi de la rotation en coquille repose sur
l’hypothèse que la turbulence soit grandement anisotrope, i.e. que le transport d’énergie est
beaucoup plus important dans la direction horizontale (perpendiculaire au sens radial) que
dans la direction verticale (parallèle au sens radial). Il s’agit d’une hypothèse raisonnable,
car l’intérieur stellaire est stabilisé dans la direction verticale par un gradient de température
stable. Ainsi, la turbulence horizontale impose un taux de rotation essentiellement constant
sur une isobare, ce qui permet d’écrire = (‘c). Cette formulation est à la base de tous les
modèles d’étoiles récents qui incluent la rotation.
Les effets hydrostatiques de la rotation sont plutôt modestes. En effet, en changeant la
vitesse angulaire de O à 90% de la vitesse de surface critique (vcrjt), les effets hydrostatiques
font augmenter le temps de vie des étoiles massives de 1 à 2 % et décalent légèrement les
chemins évolutifs vers les luminosités plus faibles (Meynet & Maeder 1997).
A.2 Le taux de perte de masse
Les étoiles massives perdent de la masse sous la forme d’un vent stellaire induit par la
pression de radiation à un taux pouvant aller de 10 à iO M0 an* C’est d’ailleurs l’effet
dominant dans l’évolution des étoiles de la partie supérieure de la SP. Jusqu’à récemment,
toutes les études montraient que l’effet de la rotation sur le taux de perte de masse était
plutôt faible (Maeder & Meynet 2000b). Toutefois, aucune de ces études ne tenaient compte
du théorème de von Zeipel, essentiel pour prédire correctement la distribution de température
à la surface d’une étoile en rotation.
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A.2.1 Le théorème de von Zeipel
von Zeipel (1924) a trouvé que le flux radiatif P d’une équipotentielle d’une étoile en
rotation est proportionel à la gravité effective locale
= ggav + gt et écrit pour le cas
d’une rotation uniforme
-. L(P) 9ef f L(P)R L(f)F
— 4xRggau 4RGM(P)9eff 4KGM(p)9eff (Ai)
où Iv1 = A’I
—
est la masse effective, L(P) est la luminosité sur une isobare et 5,
la densité interne moyenne. Notons qu’ici nous utilisons des coordonnées de pression P, car
nous nous intéressons au flux sur une équipotentielle qui, elle, suit une isobare. Comme g,t
est nulle aux pôles et maximale à l’équateur, Ye7j est plus grand aux pôles qu’à l’équateur.
Par conséquent, il en va de même pour P qui dépend donc de la colatitude. Bien plus tard,
cette relation a été généralisée par Maeder (1999) dans le cadre de la rotation en coquille de





où le terme additionel, qui dépend de la loi d’opacité et du degré de rotation différentielle,
accroît aussi le flux radiatif aux pôles et le décroît à l’équateur.
A.2.2 Le taux de perte de masse local
Selon la théorie des vents stellaires induits par la pression de radiation sur les raies spec
trales (appelés tine-driven winds dans la littérature anglophone), le taux de perte de masse
local d’une étoile qui n’est pas en rotation s’écrit (Castor et al. 1975)
(k)’/ (1 )F(o)1/ag(o) (A.3)
Dans cette équation, k et a sont les paramètres du multiplicateur de force, i.e. k représente
le nombre de raies avec une force au-dessus d’une certaine valeur critique et c, la pente de la
distribution des forces de raie. En utilisant l’Équation (A.2) pour le flux radiatif F(O) et en
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(A.1)
posant que la gravité totale est 9tot 9eff + 9rad, OÙ 9rad = avec ç qui est l’opacité, on
peut récrire l’Équation (A.3), ce qui donne (Maeder & Meynet 2000a)
I(&)(kI/(1)û [ L(P) ]efft1+((0))a 4irGM(P) (y —
où F(O) est le facteur d’Eddington dont l’expression est modifiée en remplaçant c(O) par
t, l’opacité de la diffusion sur les électrons, indépendante de la colatitude.
FIG. A.1
— Image de l’étoile r Car prise par le télescope HST.
L’Équation (A.4) exprime la dépendance du taux de perte de niasse avec la colatitude O.
Si on prend k et c constant sur une latitude, ce qui est attendu pour les étoiles de type O,
on voit que Itt(O) dépend principalement de geff Cela signifie que, étant donné le théorème
de von Zeipel, le taux de perte de masse local sera beaucoup plus important aux pôles qu’à
l’équateur. De plus, les termes ((O) et F(O) vont aussi renforcer légèrement le taux de perte
de masse aux pôles. C’est ce que Maeder appelle l’effet-geff. Toutefois, k et a dépendent de
Teff de telle sorte que leur valeur est plus grande à basse température. Cela signifie qu’en
balayant les colatitudes des pôles vers l’équateur, on peut voir que l’augmentation d’éjection
aux pôles est progressivement compensée par les effets de l’augmentation de l’opacité des raies
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spectrales et de l’opacité lié-libre qui favorisent un plus grand flux de masse à l’équateur. C’est
ce que Maeder appelle l’effet-a. Cela démontre que selon la façon dont varient les paramètres
k et c, le vent sera plus intense aux pôles ou à l’équateur. Il est même possible que les deux
effets,
-gef j et -tç, aient de l’importance à la surface de l’étoile. Cela donne lieu à une éjection
de masse qui a la forme de l’étoile CaT, i.e. une cacahuète alignée avec l’axe pôlaire. entourée
d’une mince jupe à l’équateur parallèle au plan équatorial (voir Figure A.1).
A.2.3 Le taux de perte de masse global
Pour obtenir l’expression du taux de perte de masse global, il est possible d’intégrer
l’Équation (A.4) sur la surface de l’étoile, comme le font Maeder (1999) et Maeder & Meynet







Si Q = O, ce rapport égale 1, comme attendu. Les effets de la rotation sur le taux de perte de
masse global sont généralement modérés. Toutefois, si le facteur d’Eddington de l’étoile est
grand, la rotation peut augmenter radicalement le taux de perte de masse, ce qui peut, dans
le cas des très grandes masses, détruire l’étoile.
A.3 Transport de moment cinétique et d’éléments chimiques
Dans une étoile en rotation, il y a plusieurs processus de mélange, comme la convection, la
diffusion turbulente et la circulation méridienne, qui transportent non seulement des éléments
chimiques d’une couche de l’étoile à une autre, mais aussi du moment cinétique. Avant de voir
comment nous pouvons traiter les transports de moment cinétique et d’éléments chimiques
dans l’étoile, voyons d’abord comment se comportent les différents processus de mélange.
A.3.1 La circulation méridienne
Dans une étoile en rotation, la rupture locale de l’équilibre radiatif est à l’origine d’un
processus de mélange appelé circulation méridienne (Eddington 1925, 1926; Vogt 1925). En
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effet, comme la température est plus élevée aux pôles qu’à l’équateur (théorème de von Zeipel,
A.2.1), cela engendre une circulation à grande échelle dont les lignes de courant sortent par
les pôles et descendent vers l’équateur. L’expression développée par Maeder & Zahn (1998)





















pgCpT[Vad Vrad + (/6)V] [(E0 + Eu)] (A.6)
où P est la pression, C, la chaleur spécifique et g, la gravité locale. V est le gradient
thermique adiabatique, Vrad, le gradient radiatif, V, le gradient de poids moléculaire moyen,
(atnp/atnp)pv et 6 = —(8tnp/8tnT)p. E0 et E sont des termes qui dépendent de la
distribution de la vitesse angulaire et du poids moléculaire moyen.
L’Équation (A.6) montre que plus V,1 est grand, plus petit sera U(r). Quant au terme




— Illustration de la circulation méridienne dans une étoile de 20 en rotationavec une métallicité solaire et une vitesse de rotation au début de la phase de brûlage d’H de
= 300 km s. Cette figure est tirée de Meynet Maeder (2002).
(A.7)
ANNEXE A. LES EFFETS DE LA ROTATION 134
Dans cette expression, le terme négatif dans les crochets s’appelle le terme de Gratton-Ôpick.
Il s’agit d’un terme important, car lorsque la densité devient faible, comme c’est souvent le cas
dans les couches externes des étoiles, il peut rendre la valeur de U(r) négative et provoquer
ainsi une cirulation inversée, i.e. que les lignes de courant sortent de l’équateur et entrent aux
pôles.
La Figure A.2 montre les lignes de courant de la circulation méridienne telles qu’obtenues
à partir de l’Équation (A.6) dans une étoile de 20 M0 à métallicité solaire et avec une vitesse
initiale de rotation v, = 300 km s1. La figure est parfaitement symétrique par rapport
à l’axe de rotation et par rapport au plan équatorial. La petite sphère interne est le coeur
convectif de l’étoile. Le petit tube interne de chacune des deux hémisphères représente une
cellule intérieure de la circulation méridienne parmi un ensemble de cellules concentriques
avec une vitesse U(r) positive et différente pour chaque cellule. Quant au tube externe, il
représente une cellule parmi un autre ensemble de cellules présent dans les couches externes
de la zone radiative, où la densité est suffisamment faible pour que le terme de Gratton-Ôpick
ait de l’importance et que U(r) soit négative.
A.3.2 Les instabilités
Un mouvement est turbulent lorsque le nombre de Reynolds Re = tv/v, qui mesure le
rapport de force entre l’advection et le transport visqueux, est plus grand qu’une certaine
valeur critique Re, de l’ordre de 3000. t est la dimension d’un remous (appelé eddy dans
la littérature anglophone), y sa vitesse et ii la viscosité. Cette condition est totalement res
pectée dans l’intérieur des étoiles massives (Maeder & Meynet 1996). Comme autre source
de turbulence, il y a l’instabilité de cisaillement que cause la circulation méridienne. En ef
fet, la circulation méridienne transporte du moment cinétique. Par conservation du moment
cinétique, la rotation devient différentielle, ce qui induit de l’instabilité de cisaillement. Pour
vérifier si un milieu en rotation différentielle est turbulent ou non, il y a le critère de Richard
son, d’ailleurs plus contraignant que celui de Reynolds (Meynet & Maeder 1997; Mathis et al.
2004). L’idée de base de ce critère est qu’il y aura présence de mélange si l’excès d’énergie
dans le cisaillement est plus grand que l’énergie nécessaire pour produire l’ascension d’un
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remous dans le milieu avec une température T et un gradient de poids moléculaire moyen
Vti = (81fl/8lnP)T. Autrement dit, le taux de cisaillement doit surmonter l’effet stabili
sant de la force de flottabilité. Le critère de Richardson impose donc
1 (dUN2 gpV.t 1 gé
> — i + 2H
(Vrad Vd), (As)
où z est la direction verticale, (dU/dz) exprime le cisaillement des vitesses horizontales U et
est la hauteur caractéristique de la pression. Maeder (1997) a montré que dans les modèles










— Vrad + V,1) 1
A 10)
— H(dU/dz)2 - (
simultanément. R est le nombre de Richardson. La relation (A.9) signifie que l’excès d’énergie
dans le cisaillement est suffisant pour induire des turbulences thermiques, mais la relation
(A.1O) montre qu’à cause de la présence d’un gradient de poids moléculaire moyen, le milieu
est quand même stable. Le mélange est donc empêché dans les zones où il y a le moindre Vti
suffisamment fort. Ces zones intermédiaires sont appelées “zones de cisaillement semiconvecti
ves” par analogie aux zones semiconvectives. Le problème rencontré, lorsqu’on utilise une
telle définition du critère de Richardson dans les modèles, est que tous les endroits où il y a
du mélange sont les endroits où V n’est pas assez grand pour stabiliser le milieu. Il y a donc
du mélange seulement dans les endroits où il n’y a rien à mélanger. Pourtant, l’observation
d’abondances d’hélium et d’azote particulièrement élevées à la surface d’étoiles dont le taux
de rotation est grand (Herrero et al. 1992) suggère fortement que la rotation soit responsable
d’un processus de mélange qui transporte les éléments produits dans le coeur de l’étoile. Pour
contourner ce problème, plusieurs auteurs tels Heger et al. (2000); Heger & Langer (2000) et
Chaboyer et al. (1995a,b) remplacent artificiellement dans l’Équation (A.10) V,1 par
où f,1 est arbitrairement très petit. Quant à eux, Talon Zahn (1997) proposent plutôt une
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solution physique prometteuse. Ils démontrent que la diffusion horizontale peut homogénéiser
le milieu, i.e. désagréger lentement V, qui, après un certain temps, devient assez faible pour
qu’un mélange soit déclanché. La Figure A.3 illustre le phénomène d’homogénéisation du mi
lieu. À cause de l’instabilité thermique, l’interface entre deux couches de i différents avec
/L1 > n’est pas lisse. Cela s’explique par la création de remous qui cherchent à monter,
mais qui sont maintenus en place par la force de fiottabilité. La diffusion horizontale peut donc
transférer une petite portion de la couche 1 à la couche 2, et vice et versa. Une fois que ce
transfrt s’effectue suffisamment, le milieu est moins hétérogène, le gradient de t diminue, et
un remous de la couche 1 peut se rendre dans la couche 2. Talon & Zahn (1997) redéfinissent
donc le critère de Richardson comme suit
1 (dU2
— Vad)
+ 1 11)4 dz) 6 [ Hp(K+Dh) Hp(Dh)J
où K est le coefficient thermique et Dh, le coefficient de diffusion de la turbulence horizontale.
t t’>t
R
f r’ tU P’
3
-i r\J\ J 1, ,\1 JJ (‘ r,/
- j CJ<
Fia. A.3
— Illustration de l’effet homogénéisant de la diffusion turbulente horizontale dansune zone où le gradient de poids moléculaire moyen V31 est élevé. Au temps t, la stratificationdu milieu en i est grande. Aucun remous ne peut monter de la couche 1 à la couche 2, carI1 > /2, et le milieu est stabilisé par la force de fiottabilité. Au temps t’, la diffusion a eule temps de désagréger suffisamment le V pour que 4 et qu’un remous dont le poidsmoléculaire moyen est ji’ < ji puisse monter vers la couche 2.
La turbulence de cisaillement est, dans la plupart des cas, le processus dominant dans la
diffusion turbulente, car V. n’atteint pas souvent de très grandes valeurs. Toutefois, si V31 est
très grand, la turbulence de cisaillement n’est pas assez efficace pour désagréger suffisamment
rapidement V31 et c’est alors un autre processus qui domine, soit la turbulence baroclinique.
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La baroclinicité a lieu lorsque les équipotentielles ne coïncident pas avec les surfaces de densité
constante.
A.3.3 Transport de moment cinétique
Dans le contexte d’une loi de rotation en coquille, l’équation de transport radial de moment
cinétique en coordonnées lagrangiennes s’écrit (Zahn 1992; Maeder & Zahn 1998)
p_ (r) = LÇ_ (pr4U(r)) +J (r4). (A.12)
est la vitesse angulaire moyenne à une distance r du centre de l’étoile, U(r) est la composante
verticale de la vitesse de la circulation méridienne et D, le coefficient de diffusion résultant
de la somme des processus de diffusion turbulente, soit la convection, la semiconvection et
la turbulence de cisaillement. Le premier terme de la partie droite de l’équation exprime
le transfèrt de moment cinétique par la composante verticale de la circulation méridienne.
Généralement, dans le deuxième terme, qui représente le transport par diffusion, de tous les
processus de diffusion, c’est la turbulence de cisaillement qui domine dans les zones radiatives.
En l’absence de circulation méridienne et de diffusion turbulente, U(r) et D sont nuls et nous
obtenons simplement l’expression de la conservation locale de moment cinétique r2l cons t.
pour un élement de fluide dans le cas d’une contraction ou d’une expansion.
L’Équation (A.12) a une solution stationnaire qu’il est possible d’obtenir si on impose que
le transport vers l’extérieur de moment cinétique causé par le cisaillement est compensé par
le transport vers l’intérieur de moment cinétique causé par la circulation méridienne lorsque
les temps caractéristiques des processus de mélange sont petits par rapport au temps de vie
de l’étoile sur la SP. Cette solution ne fonctionne pas, car, en général, l’échelle de temps du
transport de moment cinétique par la circulation méridienne (t R/U) est plus petit que
l’échelle de temps dti transport de moment cinétique par turbulence de cisaillement
R2/D8) (Maeder & Meynet 200Db). Il y a donc aussi une solution non-stationnaire, où (r)
évolue dans le temps sous l’effet de la circulation méridienne qui, par conservation du moment
cinétique, induit de la rotation différentielle (voir plus haut). Comme la rotation différentielle
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induit de la turbulence de cisaillement qui, elle, influence la circulation méridienne, il y a un
effet de rétroaction et il faut donc trouver une solution auto-consistante de l’évolution de l(r)
(voir Annexe B). S’il n’y a aucun couplage ni visqueux, ni magnétique, du coeur aux couches
externes et considérant les conditions limites adéquates à la surface et au coeur, la solution
pour une coquille de masse /M est (Maeder 1999; Meynet & Maeder 2000)
ZM (r2) = _pr4ÇU(r) +4lTLexces. (A.13)
Le ternie avec Lexces provient des conditions limites à la surface lorsqu’il y a une perte de
masse sous forme d’un vent stellaire. En effet, nous avons vu que la perte de masse est
anisotrope lorsque l’étoile est en rotation (voir A.2.2), ce qui fait une différence Lexces entre
le moment cinétique perdu par un vent istrope et le moment cinétique réellement perdu par
le vent de l’étoile. Par exemple, pour une étoile de type O qui a une perte de masse polaire,
la perte de moment angulaire est très petite et Lee est positif. Si le taux de perte de niasse
n’est pas extrême, cet excès de moment cinétique est rapidement redistribué dans les couches
intérieures par une forte turbulence horizontale qui s’effectue en une courte échelle de temps.
Inversement, lorsque la perte de niasse est équatoriale, le vent enlève plus de moment cinétique
qu’un vent isotrope et Lerces est négatif. Cette forte perte de moment cinétique diminue la
rotation des couches extérieures, ce qui accentue le degré de rotation différentielle et, par
conséquent, augmente la turbulence de cisaillement.
Avant de terminer cette section, il faut ajouter qu’en traitant les taux de perte de masse
extrêmes, Maeder (2002) a montré que si A[ est plus grand que la valeur critique
1A[crit = _47rr2v, (A.14)
les couches externes de l’étoile sont éjectées avant que l’excès ou le manque de moment
cinétique ait le temps de se propager dans les couches intérieures par diffusion turbulente
et par circulation méridienne. Dans ces conditions, le taux de perte de masse a donc peu
d’influence sur l’évolution de la rotation interne ( Bi). Selon Maeder, ce taux de perte de
masse critique est de l’ordre de iO M0 an1, soit le taux atteint par les étoiles de masse
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plus grande que 60 i’v10, les étoiles WR et les LBV.
A.3.4 Transport d’éléments chimiques
Le transport d’éléments chimiques est aussi gouverné par une équation advection-convection.
Toutefois, la différence avec le transport de moment cinétique vient du fait que la composante
horizontale de la diffusion turbulente est très grande par rapport à la composante verticale
qui, elle, doit se battre contre la force de flottabilité (Chaboyer & Zahn 1992). En effet, à
cause de l’effet homogénéisant des couches horizontales de la turbulence horizontale, l’advec
tion d’éléments chimiques est diminuée, sans gêner l’advection de moment cinétique. Dans ces
conditions, l’advection verticale d’éléments chimiques peut être traitée comme une diffusion
simple avec un coefficient de diffusion:
rU(r) 2Dejj
= 3ODh (A.15)
où D,, rU(r)f est le coefficient de diffusion de la turbulence horizontale. Le changement de
fraction de masse d’un élément chimique i s’écrit
=
[r2P)1 (-)] + (A.16)
OÙ Dmix est la somme des coefficients de diffusion Def et Le terme ( ),cj tient compte
du changement de composition chimique dû aux réactions nucléaires.
Annexe B
F
Evolution de la rotation des étoiles
massives
Dans le chapitre précédent, nous avons vu qu’il existe une solution non-stationnaire à
l’équation du transport de moment cinétique (Équation (A.12)) qui implique une évolution
de l(r). Cette évolution résulte du transport de moment cinétique par le cisaillement, la
circulation méridienne et la convection, des effets de la contraction du coeur et de l’expansion
de la surface pendant l’évolution de l’étoile et de la perte de moment cinétique par le vent
stellaire. Dans ce chapitre, nous examinerons comment évolue la rotation interne de l’étoile
et celle à sa surface pendant la phase SP et pendant la phase de brûlage d’He à différentes
métallicités, soit à Z Z0 = 0,02, à Z = 0,004 et à Z = Tout ce qui suit est tiré de
Meynet & Maeder (2000, 2002, 2003) et Maeder & Meynet (2001), incluant les figures.
B.1 Évolution de la rotation interne
Pour commencer l’étude de l’évolution de la rotation interne, Maeder et Meynet partent
du modèle d’une étoile de 20 M0 sur la série principale d’âge zéro (appelée ZAMS dans la
littérature anglophone) qui a une rotation uniforme avec une vitesse initale v, = 300 km s1.
Ensuite, ils font évoluer le modèle sur un intervalle de temps de 192 000 ans, soit environ 2 %
du temps de vie de l’étoile sur la S?. Dans la Figure 3.1, qui montre le profil de l(r) touso














— Évolution initiale de (r) d’une
étoile de 20 M0 avec v = 300 km s.
Le modèle commence avec un profil relati
vement plat et le pas de temps est de 19 200
ans.
FIG. 3.2
- Même chose que la Figure 3.1
pour U(r). Le temps augmente du haut vers
le bas.
o
les 19 200 ans, on peut voir que le modèle converge rapidement vers un profil à l’équilibre
dans les tout premiers temps pour subir des changements beaucoup plus lents par la suite.
Ce comportement s’explique par l’évolution de la circulation méridienne illustrée dans la
Figure B.2. Comme, au tout début, la vitesse de la circulation méridienne est positive dans
toute l’étoile, le transport de moment cinétique ne se fait que par un seul ensemble de cellules
qui montent aux pôles et descendent à l’équateur. Cela transporte le moment cinétique des
couches externes vers les couches internes dans une échelle de temps R/U très courte
par rapport au temps de vie de l’étoile sur la SP, ce qui accélère le coeur convectif (r < 2 R0),
ralentit l’enveloppe (r > 2 R0) et donne le profil de f(r) tel qu’il est à l’équilibre. Toutefois,
très vite, la vitesse de la circulation méridienne diminue dans les couches les plus externes
et devient négative. Comme nous l’avons vu plus tôt dans la A.3.1, cela se produit lorsque
la densité des couches externes devient faible et cyue le terme de Cratton-45pick prend de
l’importance. La distribution de U(r) converge très vite vers un équilibre caractérisé par de
petites vitesses, ce qui explique que les changements dans le profil de (r) deviennent si lents









oANNEXE B. ÉVOLUTION DE LA ROTATION
Fiu. 3.3 — Évolution de la vitesse angulaire
en fonction du rayon d’une étoile de 20 M0
avec vj 300 km s’. X représente la
fraction de masse d’hydrogène dans le coeur
de l’étoile.
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La suite de l’évolution du profil de rotation est illustrée dans la Figure 3.3. Cette figure
montre le profil de (r) à différents X0, i.e. à différentes fractions de masse d’hydrogène dans
le coeur de l’étoile. X est un indicateur de temps, car comme l’hydrogène est brûlé dans le
coeur de l’étoile pendant sa vie sur la SP, lorsque le temps augmente, la quantité d’hydrogène
diminue. On voit que le rapport de la vitesse de rotation centrale sur celle à la surface, qui
commence petit au départ, augmente pendant la phase SP, mais pas plus que d’un facteur 2.
On peut remarquer aussi que, l(r) diminue avec le temps. La raison principale est la perte de
masse à la surface qui enlève une fraction substantielle du moment cinétique non seulement
à la surface, mais partout dans l’étoile, car les processus de transport internes assurent un
certain couplage entre l’enveloppe externe et le coeur de l’étoile. Évidemment, cette diminution
de 2(r) change selon que la perte de masse soit plus importante aux pôles ou à l’équateur
et que le taux de perte de masse soit extrême ou non (voir A.3.3). Lorsque X < 0,05, la
contraction du coeur, très lente pendant la phase SP, accélère et domine l’évolution de l(r).À partir de ce moment, la vitesse de rotation du coeur augmente continuellement jusqu’à
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FIG. B.4
— Même chose que la Figure B.3
pour U(’r).
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FIG. B.5
— Profils de fl(r) pour deux modèles de 3 et 9 M0 avec v = 300 km à Z = 0,02et Z = ï0, pour X 0,40.
mène à une rotation du coeur très grande.
La Figure 3.4 montre l’évolution de la circulation méridienne pendant la phase SP. U(r)
est généralement petit et dépend très peu de la rotation. Comme une plus grande partie des
couches externes a une densité plutôt faible avec le temps, U(T) devient négatif sur une plus
grande région et la circulation inverse se fait de plus en plus profondément. À la fin de la
phase SP, quand le coeur est en contraction rapide, U(r) devient très négatif sur l’ensemble
de l’étoile.
La métallicité influence l’évolution de (r) et de U(r). À plus faible métallicité, le rayon
stellaire est plus petit (R oc t”2; Boehm-Vitense 1992) et le taux de perte de masse, plus faible.
Par conséquent, la vitesse de rotation du coeur convectif change moins pendant la phase SP et
demeure plus élevée qu’à métallicité solaire. Comme l’étoile est plus compact, le gradient de
i(r) est plus grand, donc le transport d’éléments chimiques par cisaillement est plus efficace.
Notons que le cisaillement ne détruit pas le gradient de fl(r), car il est grandement dominé par
la circulation méridienne. De plus, le caractère compacte des étoiles à métallicité faible fait
que la densité des couches externes est plus élevée qu’à métallicité solaire, ce qui diminue la
partie négative de U(r) et peut même la faire disparaître. La Figure 3.5 permet d’apprécier la
différence entre les profils de rotation de deux étoiles de 3 et 9 M0 avec une = 300 km s
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à Z= 0,02 et à Z = i0.
B.2 Évolution de la rotation à la surface
Pendant la phase SP, la vitesse de rotation à la surface est principalement influencée par
le vent stellaire. En effet, plus le taux de perte de masse est grand, plus la perte de moment
cinétique l’est aussi, ce qui implique une diminution de la vitesse de rotation plus importante.
Comme on peut le voir dans la Figure B.6, qui montre l’évolution de la vitesse de rotation
équatoriale à la surface (y), les étoiles les plus massives, qui montrent les vents stellaires les
plus forts, sont celles qui ont la plus grande dimim;tion de la vitesse de surface pendant ]a
phase SP. Cet effet est même encore plus grand si la perte de masse est équatoriale et/ou si
l’étoile est en rotation rapide (Equation (A.4); le taux de perte de masse augmente avec
Donc les étoiles avec les v les plus grands auront les plus grandes pertes de y pendant la
phase SP. C’est d’ailleurs ce que l’on peut voir dans la Figure 3.7 où l’on compare l’évolution
de y pour différent v. On peut voir aussi que les courbes des rotateurs les plus rapides
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FIG. 3.6 — Évolution dans le temps de la vi- FIG. 3.7 — Évolution de y d’une étoile de
tesse équatoriale à la surface pour différentes 20 à différentes
masses stellaires avec vjj
— 300 km s1 et
Z = ZG.








— Comparaison de l’évolution de y à différentes Z pour un modèle d’une étoile de60 M0 avec v = 300 km s1.
SP. Si les étoiles massives perdent beaucoup de vitesse de surface et que leur rapport
diminue, les étoiles dont la masse est plus petite que 12 M0 ont, quant à elles, plus de chance
d’atteindre la vitesse de rotation critique et d’avoir un grand taux de perte de masse pendant
la phase SP. Après la phase SP, les étoiles de plus de 40 M0 deviennent WR et celles de moins
de 40 M0 deviennent SG. Dans les deux cas, y tombe radicalement, car le taux de perte de
masse enlève beaucoup de moment cinétique.
À faible métallicité, y demeure presque constant pendant toute la phase SP, car les taux
de perte de masse sont beaucoup plus petits. À Z = 0,004, le rapport fl/l, augmente pour
atteindre souvent 1,0 pendant la contraction du coeur. Et plus la masse est grande, plus la
densité des couches externes est faible, plus U(r) est négatif et plus grand sera le transport
de moment cinétique vers les couches extérieures, ce qui augmente l/lcrzt. Cela implique
qu’un plus grand nombre d’étoiles 03 (de type 32 et plus chaud) atteindront la vitesse de
rotation critique dans la galaxie du Petit Nuage de Magellan (SMC) où Z 0, 004. Et lorsque
Z = 10, les étoiles dont la masse est plus grande que 30 jvI0 atteignent ce qui peut
créer plus de WR et diminuer la masse des SN! La Figure 3.8 illustre l’effet du changement
de Z dans un modèle d’une étoile de 60 M0 avec v1 = 300 km s.
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